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with elements on acceleration inspired from talks by  

P. Blasi, M. Lemoine, E. Parizot



knee
1 particle/m2/sr/yr

10 particles/m2/sr/yr

solar modulation

ankle
1 particle/km2/sr/yr

1 particle/km2/sr/century

ground
detectors

satellites
balloons

ground detectors

flux 
30 orders of 
magnitude

energy 
10 orders of 
magnitude

1 kg of cosmic rays per year on Earth (~1027)

magnetized plasmas <—> non-thermal particles (acceleration)
Non-thermal particles are ubiquitous in the Universe 
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Why do we care 
about cosmic rays at 
the PLASMA school?



energy of a tennis ball  
hit by Roger

at the LHC,  
particles are accelerated at 107 times lesser energies...
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 in a subatomic 
particle!

A macroscopic energy (1020 eV ~ 10 Joules )



LHC x103

source: R. Engel

The mystery of UHECRs

difficulties: 

 charged particles in a magnetized universe 
 low particle flux (few per km2 per century) 
 beyond energy range experimentally probed by LHC 
 powerful astrophysical sources not well understood

?

Sources of UHECRs?

!4

supernova  

remnants (?)

V. Bresci &  
L. Brahimi's Talks

for proton cosmic rays:
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A UHECR journey

Outflow 
- structure? 
- B? 
- size?

Source? 
- particle injection? 
- acceleration? shocks? 

reconnection?…

Backgrounds 
- radiative? baryonic? 
- evolution, density? 
- magnetic field: deflections? 

associated neutrino and 
gamma-ray production

νγ

Intergalactic magnetic fields 
magnetic deflection 
temporal & angular spread/shifts

νγ

p Fe

Cosmic backgrounds 
interactions on CMB, UV/opt/
IR photons 

cosmogenic neutrino and 
gamma-ray production

UHECR 
- mass 
- spectrum 
- anisotropy

Observables
neutrinos 
- flavors 
- spectrum 
- anisotropy 
- time variabilities

multi-wavelength photons 
- spectral features 
- time variabilities 
- angular spread 
- source distribution 

GW 
- spectrum 
- arrival 

directions 
- time 

PLASMA

PLASMA

PLASMA

PLASMA

PLASMA

PLASMA
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How do we detect ultrahigh energy (UHE) particles?
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 development of a particle air-shower in the atmosphere
 detection of secondary particles at ground
 detection of fluorescence light emitted during development of air-shower



 
The Pierre Auger Observatory
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Auger Observatory      
Cerenkov tanks: 3000 km2

1.5 km separation
fluorescence detector (FD) sites: 4 (180o)

~250 events 
E > 5.7x1019 eV
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Fig. 14 Left panel: comparison between the TA and Auger combined spectra presented

at the 34rd International Cosmic Ray Conference (ICRC 2015) [28, 29]. The TA spectrum

is shown in the energy range where Auger data are available. The ratio of the Auger flux to

the TA flux versus energy is plotted in the right panel.

ankle presented in Table 4 and 5 can be compared directly. As expected, they are in good

agreement. In the region of the cut-o↵, on the other hand, the comparison is more di�cult,

since the parameters that define the two functional forms have di↵erent meanings. However,

an unambiguous comparison can be made using the parameter suggested in [6] that defines

the position of the observed cuto↵. This is the energy E1/2, at which the integral spectrum

drops by a factor of two below that which would be expected in the absence of the cuto↵.

E1/2 has been calculated by both collaborations. For TA, E1/2 = 60± 7 EeV (statistical

error only) [28] and for Auger, E1/2 = 24.7± 0.1+8.2
�3.4 EeV [29] (statistical and systematic

error). The two values of E1/2 are significantly di↵erent, even after taking into account the

systematic uncertainties in the energy scales of the two experiments.

The di↵erence between the TA and Auger spectra in the region of the cut-o↵ is very

intriguing. Because the TA experiment is in the Northern hemisphere and Auger is in the

Southern hemisphere and the two experiments look at di↵erent parts of the sky, this could

be a signature of anisotropy of the arrival directions of the ultra-high energy cosmic rays.

Moreover the highest energies are the most promising for the identification of the sources

of cosmic rays since the deflections of the trajectories of the primaries in the galactic and

extra-galactic magnetic fields are minimized. However the measurement of the spectrum at

the cut-o↵ is a↵ected by large uncertainties. In addition to the poor statistics, the analysis

is complicated by the steepness of the flux: large spectral index amplifies the uncertainty of

the energy scale and it increases the unfolding corrections required to take into account the

bin-to-bin migrations due to the finite energy resolution. A continuous and increasing e↵ort

is being made by the two collaborations at establishing a better control of these e↵ects and

evaluation of the systematic uncertainties.

5 Discussion

The TA and Auger collaborations have developed analyses to constrain the astrophysical

models using measurements of the energy spectrum. Observed features in the UHECR spec-

trum can reveal astrophysical mechanisms of production and propagation of the UHECRs.

21/31
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Learning from UHECR data

Auger Coll. ICRC 2017
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Fig. 7.— Arrival directions of Auger events (red points in the South hemisphere) and Telescope Array ones
(black crosses in the Northern hemisphere) above 1019 eV in equatorial coordinates, using a Mollweide
projection.
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Fig. 8.— Significance table (left) and histogram (right) of the estimated multipole moments (in equatorial
coordinates). In the right panel, the black line is a normal curve.
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Figure 5: Results from a fit of the Xmax distributions with a superposition of p-, He-, N- and Fe-induced air
showers. The upper four panels show the best-fit mass fractions and the goodness of fit is displayed in the
lowest panel. Thick error bars denote the statistical uncertainties, thin error bars the systematic ones.

tistical and systematic uncertainty of 2% and � 9% respectively. For comparison, a recent attempt
to estimate the light-mass fraction from Xmax was based on 118 events only [29]. The mass frac-
tions presented here complement the findings of the KASCADE-Grande Coll. which reported a
“knee” in the flux of the iron component at 1016.9 eV and an “ankle” of the light component at
1017.1 eV [30, 31]. It can be concluded that the new results from the Pierre Auger Observatory on
the mass composition at low energies give important experimental constraints to the modeling of
a possible transition from a heavy Galactic to a light extragalactic cosmic-ray component between
1017 and 1018 eV.

We end this section with the usual caveats about the model dependence of the interpretation of
air-shower observables in terms of mass. The mass fractions derived from the Xmax distribution are
very sensitive to details of the modeling of hadronic interactions in air showers and the differences
between mass fraction derived using the three “post-LHC” models do not necessarily bracket the
actual uncertainty on the fractions. However, barring an onset of new physics in hadronic interac-
tions at 1018.3 eV, the energy evolution of �Xmax� and �(Xmax) are robust indicators of a gradual
increase of the average nuclear mass of cosmic rays with energy. Further model-independent evi-
dence for a mixed mass composition around the ankle was found in a study of correlations between
Xmax and the shower size measured with the SD [32].

4. Interpretation of Mass Composition and Spectrum

For a possible astrophysical interpretation of our results on the mass composition and energy
spectrum, we considered a scenario in which the sources of UHECRs are of extragalactic origin
and accelerate nuclei in electromagnetic processes with a rigidity-dependent maximum energy,
Emax(Z) =Emax(p)/Z, where Z denotes the charge and Emax(p) is the maximum energy for protons.
In a previous study [33] we reported that within this scenario a good description of the shape of

7

Figure 9. Relative abundance of four mass groups as function of energy in cosmic rays as measured by the
Pierre Auger Observatory. The upper four panels show the best-fit mass fractions and the goodness of fit is
displayed in the lowest panel. Thick error bars denote the statistical uncertainties, thin error bars the systematic
ones. Image credit: Pierre Auger Collaboration [157].

scale extragalactic structure and distribution of UHECR sources and magnetic fields. This would not
only make crucial progress in identifying UHECR sources possible, but also allow us to constrain
extragalactic magnetic fields (EGMFs) by deducing the residual extragalactic contribution to mag-
netic deflection once the Galactic contribution has been subtracted. Comparing this with constrained
EGMF simulations (e.g., [166] and Fig. 10) will contribute to the understanding of the astrophys-
ical processes relevant for MHD at large cosmological scales, such as large-scale dynamo processes
and the development of MHD turbulence at galaxy cluster scales and beyond. At present, many of
such EGMF simulations exist (e.g., [166–171]), varying largely in their predictions for magnetic field
strengths on various scales and e↵ects on UHECR propagation [172].

3.4 Extragalactic backgrounds

3.4.1 Cosmic microwave background
Studies of the cosmic microwave background (CMB) and its anisotropies have ushered in a new,
high-precision era for modern cosmology. Whether alone or combined with other cosmological
probes, measurements of the CMB total intensity anisotropies have established the current cosmolo-
gical model, setting the stage for further, more profound investigations with direct implications not
only for cosmology but also for fundamental physics. Today, the search for primordial gravitational
waves from the inflationary phase of the expanding Universe is the paramount goal of CMB experi-
ments. The signal imprinted on the polarised CMB, the so-called primordial B-modes3, are directly

3Cosmologists decompose the polarised emission into E (gradient-like) and B (curl-like) modes (e.g., [173]). These
correspond to signals of distinct physical origin within the polarisation of the CMB.
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KK & Olinto 11 GZK cut-off?
maximum acceleration energy? 

or

ankle 

knee

Learning from the energy spectrum
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Figure 6
Proton energy loss lengths: purple lines show energy loss (solid line) and interaction lengths for photo-pion
production on microwave background (dashed line) and IR-UV photons (dotted line); red solid line for pair
production on CMB photons, assuming the background of Stecker, Malkan & Scully (2006). The dashed
blue line indicates the losses due to cosmological expansion.

2002; Khan et al. 2005; Allard et al. 2005, 2008; Hooper, Taylor & Sarkar 2005; Hooper, Sarkar
& Taylor 2008; see also R. Aloisio, V. Berezinsky, A. Gazizov, unpublished (arXiv 0803.2494)].
One remarkable effect of the propagation of nuclei is that nuclei with mass number A < 20 cannot
travel farther than a few tens of megaparsecs without disintegrating (see Figure 3). In particular,
one can conclude that heavy nuclei could be found in abundance at trans-GZK energies only if
the composition were essentially dominated by iron group nuclei. Such a composition can arise
when the proton Emax is smaller than Ep,π , so that only heavy nuclei are present at greater energies
(Allard et al. 2008; Aloisio, Berezinsky, & Gazizov 2011).

The effect of photo-hadronic interactions on the cosmic ray spectrum can be calculated an-
alytically for protons (Berezinsky & Grigorieva 1988; Berezinsky, Gazizov & Grigorieva 2006).
Numerical codes such as SOPHIA (Mücke et al. 1999) enable the precise evaluation of the cross
sections for photo-hadronic interactions, taking into account various channels, and of the produced
flux of secondary particles (pioneered by Berezinsky & Gazizov 1993). Numerical Monte-Carlo
methods are best suited to model inhomogeneous distribution of sources, calculate secondary
emissions, and treat the complex processes intervening in the propagation of nuclei in the IGM.
Among the existing propagation codes that have been developed for this purpose, one might refer
to the public code CRPropa (Armengaud et al. 2007).

The calculated spectra are in very good agreement with the observed spectra for a variety of
chemical compositions, Galactic to extragalactic transition models, source evolution histories, and
injection spectrum indices between 1.6–2.7, for a fixed maximum acceleration energy, Emax (see,
e.g., Figure 2). Kachelrieß & Semikoz (2006) demonstrate that relaxing the assumption of a single
maximum acceleration energy and introducing a power-law distribution of Emax lead to a change
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Les rayons cosmiques accélérés à la source sont de deux types, comme le montre le schéma 2.2 :
les électrons et les noyaux (protons et noyaux plus lourds). Nous nous concentrerons cependant
dans cette thèse uniquement sur les rayons cosmiques hadroniques, et laisserons de côté les
électrons et positrons en tant que particules primaires. Nous pouvons d’ailleurs remarquer que
ces derniers produisent une quantité importante de photons et sont probablement la source
principale du rayonnement non thermique des sources énergétiques.

La production des émissions secondaires par les noyaux de ultra-haute énergie a lieu essentiel-
lement par interactions avec d’autres particules. Quelles sont alors les particules dans l’Univers
qui sont assez nombreuses et de section e⇥cace conséquente pour avoir un e�et sur les rayons
cosmiques ? Ce seront tout d’abord les photons, particules de plus grande densité cosmique après
les neutrinos, et dans certaines régions de densité de matière élevée, les baryons. Nous allons
tout d’abord examiner les processus d’interaction sur ces fonds, et les produits secondaires qu’ils
induisent. Nous verrons aussi en fin de chapitre les conséquences de ces interactions sur les
observables des rayons cosmiques de ultra-haute énergie.

2.1 Production par interactions sur les fonds de photons

Théoriquement, plusieurs réactions entre un rayon cosmique et un photon peuvent conduire
à la production de particules secondaires intéressantes. Par mesure de simplicité, commençons
par étudier le cas d’un proton. Dans les milieux astrophysique que l’on considère, les processus
d’interaction notables que les protons peuvent subir sont la photo-production de pions :

p + � �⌅ N + n⇤ , (2.1)

où N est un nucléon et n le nombre de pions produits, et la production de paires électrons-
positrons, appelée aussi e�et Bethe-Heitler :

p + � �⌅ p + e+ + e� . (2.2)

Les pions produits se désintégreront en neutrinos, photons et électrons/positrons secondaires,
et ces derniers pourront enclencher des cascades électromagnétiques, i.e. créer encore d’autres
photons supplémentaires.

Dans notre cas, le proton a une énergie colossale, donc des photons peu énergétiques su⇥ront
probablement à obtenir la réaction. Supposons donc un photon d’énergie ⇥ et calculons l’énergie
Ep nécessaire pour nos interactions. La conservation de la norme de l’énergie-impulsion implique
(en supposant une impulsion nulle pour les produits de l’interaction, et une collision frontale
dans le référentiel du laboratoire), pour la photo-production de pions :

Ep � m�(m� + 2mp) c4

2⇥
⇤ 1019 eV

� ⇥

10�3 eV

⇥�1
(2.3)

et pour la production de paires électrons-positrons :

Ep � memp

⇥
⇤ 5 ⇥ 1018 eV

� ⇥

10�3 eV

⇥�1
. (2.4)

On voit ainsi qu’à ultra-haute énergie, même des photons de très faible énergie pourront contri-
buer à la production de particules secondaires. Ceci est intéressant, car les seuls fonds de photons
dans l’Univers qui ont une densité raisonnablement élevée pour jouer un rôle ici, sont le fond
di�us cosmologique (CMB) d’énergie moyenne ⇥CMB ⇧ 2.7 kBTCMB ⇤ 6 ⇥ 10�4 eV et le fond
infrarouge qui s’étend sur ⇥IR ⇤ 10�3 � 1 eV.

pion photoproduction

pair photoproduction
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lement par interactions avec d’autres particules. Quelles sont alors les particules dans l’Univers
qui sont assez nombreuses et de section e⇥cace conséquente pour avoir un e�et sur les rayons
cosmiques ? Ce seront tout d’abord les photons, particules de plus grande densité cosmique après
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Dans notre cas, le proton a une énergie colossale, donc des photons peu énergétiques su⇥ront
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buer à la production de particules secondaires. Ceci est intéressant, car les seuls fonds de photons
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di�us cosmologique (CMB) d’énergie moyenne ⇥CMB ⇧ 2.7 kBTCMB ⇤ 6 ⇥ 10�4 eV et le fond
infrarouge qui s’étend sur ⇥IR ⇤ 10�3 � 1 eV.

39
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probablement à obtenir la réaction. Supposons donc un photon d’énergie ⇥ et calculons l’énergie
Ep nécessaire pour nos interactions. La conservation de la norme de l’énergie-impulsion implique
(en supposant une impulsion nulle pour les produits de l’interaction, et une collision frontale
dans le référentiel du laboratoire), pour la photo-production de pions :

Ep � m�(m� + 2mp) c4

2⇥
⇤ 1019 eV

� ⇥

10�3 eV

⇥�1
(2.3)

et pour la production de paires électrons-positrons :

Ep � memp

⇥
⇤ 5 ⇥ 1018 eV

� ⇥

10�3 eV

⇥�1
. (2.4)

On voit ainsi qu’à ultra-haute énergie, même des photons de très faible énergie pourront contri-
buer à la production de particules secondaires. Ceci est intéressant, car les seuls fonds de photons
dans l’Univers qui ont une densité raisonnablement élevée pour jouer un rôle ici, sont le fond
di�us cosmologique (CMB) d’énergie moyenne ⇥CMB ⇧ 2.7 kBTCMB ⇤ 6 ⇥ 10�4 eV et le fond
infrarouge qui s’étend sur ⇥IR ⇤ 10�3 � 1 eV.

for proton cosmic rays:

6 x1019 eV

1019  eV
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source distance scale

> 6x1019 eV

< 100s Mpc

GZK cut-off
Greisen 1966,  
Zatsepin & Kuzmin 1966

extragalactic sources 
within ~200 Mpc

Energy losses of UHECRs and the GZK horizon

photon energy in proton rest frame

42 La production des autres astroparticules lors de la propagation

Figure 2.4 – Section e�cace totale pour la photo-production de pions du proton. Les di↵érents canaux d’in-

teraction sont représentés. Les résonances en pointillés produisent dans un premier temps des particules à durée

de vie très limitée (�+, N+) qui se désintègrent ensuite en pions ; elles ont une section e�cace très forte. Les

interactions produisant plusieurs pions (multi-pion) dominent à haute énergie (tirets courts). On peut remarquer

le pic de la section e�cace de la production de la particule �(1232) ; c’est la résonance �.

Passons à présent au calcul du libre parcours moyen. Pour faire ceci proprement, il faut
tenir compte de la distribution continue en énergie des photons, au lieu de prendre une valeur
moyenne. La longueur d’interaction pour un proton d’énergie Ep = �pmpc

2 devient alors :

�p�(�p) =


1
�p

Z
d3

p
0
� f�(p0

�) �p�(✏0�)
��1

, (2.5)

où f�(p0
�) d3

p
0
� correspond à la densité en nombre des photons d’impulsion p

0
� . On exprime le

nombre d’interaction par unité de temps dans le référentiel du proton au repos, d’où l’apparition
de �p lors du retour dans le référentiel du milieu interstellaire. On cherche maintenant à exprimer
f�(p0

�) d3
p
0
� dans ce dernier référentiel, puisque c’est là qu’on le mesure. Le fond de photons étant

isotrope dans le référentiel du milieu interstellaire, on peut écrire : d3
p
0
� = 2⇡c

�2
✏
0
� d✏

0
�dµ

0. La
transformation de Lorentz s’écrit : ✏� = �p(1 + �pµ

0) ✏
0
� , avec µ

0 l’angle entre le photon et le
proton dans le référentiel du proton au repos. Ceci nous donne un changement de variables entre
µ
0 et ✏� . En injectant tout ceci dans l’équation (2.5), on obtient (Stecker 1968) :

�p�(�p) =

"
1

2�2
p

Z
+1

0

d✏�

1
✏2�

dn�

d✏�

Z
2�p✏�

✏
0
seuil

d✏
0
� ✏

0
��p�(✏0�)

#�1

. (2.6)

Pour le calcul de la borne supérieure de la seconde intégrale, nous nous sommes placés dans
la limite �p � 1, et ✏seuil est l’énergie seuil du processus d’interaction considéré. Le spectre
di↵érentiel de photons par intervalle d’énergie dn�/d✏� est relié à leur densité en nombre par :

dn�

d✏�

⌘
4⇡

c3
✏
2

�f�(✏�) . (2.7)
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FIG. 2: Galactocentric anisotropy for a source distribution
that traces the stellar counts in MW, modeled by random
generation of 103 bursts separated by time intervals of 105yr.
The model parameters are the same as in Fig. 1. Although
the anisotropy in protons is large at high energies, their con-
tribution to the total flux is small, so the total anisotropy
< 10%, consistent with the observations. The latest GRBs
do not introduce a large degree of anisotropy, as it would be
in the case of UHE protons, but they can create “hot spots”
and clusters of events.

is a sphere with radius RG ∼ 100 kpc and that all the
sources are at the Galactic Center, so that the problem
is spherically symmetric: Qi(E, r⃗, t) = δ(r⃗)Q0(E0/E)γ ,
ni(E, r⃗, t) = ni(E, r). This is admittedly a simplified
model, and we will replace it with a more realistic model
below. Neglecting the energy losses inside the Galaxy,
one obtains the solution of Eq. (2) with a boundary con-
dition corresponding to a diminishing flux outside the
Galaxy:

ni(E, r) =
Q0

4πrDi(E)

(

E0

E

)γ

. (9)

This solution corresponds to energy-dependent compo-
sition for E > E0. Indeed, at critical energy E0,i, which
is different for each nucleus, the solution (9) changes
from ∝ E−γ−δ1 to ∝ E−γ−2+δ2 because of the change in
Di(E). Since the change occurs at a rigidity-dependent
critical energy E0,i = eE0Zi, the larger nuclei lag behind
the lighter nuclei in terms of the critical energy and the
change in slope. If protons dominate for E < E0, their
flux drops dramatically for E > E0, and the heavier nu-
clei dominate the flux. The higher Zi, the higher is the
energy at which the species experiences a drop in flux.
One can also understand the change in composition

by considering the time of diffusion across the halo is
ti ∼ R2/Di. The longer the particle remains in the halo,
the higher is the probability of its detection. At higher
energies, the magnetic field’s ability to delay the pas-
sage of the particle diminishes, and the density of such
particles drops precipitously for E > E0,i. Since Ei is
proportional to the electric charge, the drop in the flux
occurs at different energies for different species.

Of course, the assumption that all the sources are lo-
cated in the Galactic center may not be realistic. If past
GRBs in the Milky Way are the sources, one can model
their distribution in different ways: one can assume (i)
that all GRBs happen in the Galactic Center, or (ii) that
GRB distribution follows the distribution of stars in MW,
or (iii) one can include the short GRB distribution, which
is expected to extend more into the halo.
In Fig. 1 we show the spectrum calculated numerically

for the source distribution (ii), which we model using the
star counts from Ref. [18]. Some 103 GRBs separated by
time intervals of 105 years were generated in each Monte
Carlo simulation, and the parameters were chosen to fit
the data. We have assumed a two-component composi-
tion with protons and iron nuclei. The best fit for γ = 2.3
is obtained for 90% protons and 10% iron, and ≈ 4µG
magnetic field coherent on 0.2 kpc scale. For the case of
short GRBs (iii), the distribution of sources can be ob-
tained from observations [19]. The spectra obtained in
this case are similar to those shown in Fig. 1.
It is intriguing that the change from proton to iron in

Fig. 1 is consistent with the dip in the spectrum that is
usually attributed to either pair production or the change
from Galactic to extragalactic component [20, 21]. How-
ever, one should not consider the fit in Fig. 1 more than
an illustration of the general principle. One must include
multiple species of nuclei and the extragalactic protons,
and one must model the propagation of UHECRs more
carefully to compare the predictions with the data [1]
quantitatively.
The data do not show a significant Galactocentric

anisotropy in the arrival directions of UHECRs (although
some clusters reported by PAO tend to gravitate toward
the Galactic plane). For nuclei, however, one does not
expect much anisotropy even if the sources are Galac-
tic. We define the anisotropy parameter δ(E) in terms
of maximal and minimal fluxes Jmin(E) and Jmax(E),
depending on the arrival directions. In the diffusion ap-
proximation,

δ(E) ≡
Jmax − Jmin

Jmax + Jmin
= 3D(E)

∂

∂r
ln
∑

i

ni(E, r). (10)

Obviously, model (i), assuming that all the sources are
in the Galactic Center, predicts the largest anisotropy,
hence setting the upper bound on δ. We find δ < 0.1 for
E < 3× 1019 eV.
For model (ii), which assumes that the source dis-

tribution follows the stellar distribution, the anisotropy
can be computed numerically. We have calculated the
anisotropy parameter by generating 103 GRBs occurring
once every 105 years. The results are shown in Fig. 2
for the same parameters as in Fig. 1. The anisotropy for
model (iii) is even smaller.
While the average flux includes contributions of GRBs

form different distances and different times, the latest
nearby GRBs can create fluctuations. A cluster of several
UHECRs around Cen A detected by PAO may be the
result of such a fluctuation due to one GRB that happens

esp. for light mass 
composition @ 8 EeV

Galactic or extragalactic?
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Figure 3: Map showing the fluxes of particles in Galactic coordinates. Sky map in Galactic co-
ordinates showing the cosmic-ray flux for E � 8 EeV smoothed with a 45� top-hat function. The
Galactic center is at the origin. The cross indicates the measured dipole direction; the contours
denote the 68% and 95% confidence-level regions. The dipole in the 2MRS galaxy distribution is
indicated. Arrows show the deflections expected for a particular model of the Galactic magnetic
field [8] on particles with E/Z = 5 EeV or 2 EeV.

average values for Z ⇠ 1.7 to 5 at 10 EeV, these represent typical values of E/Z for the cosmic
rays contributing to the observed dipole. The agreement between the directions of the dipoles
is improved by adopting these assumptions about the charge composition and the deflections
in the Galactic magnetic field. For these directions, the deflections within the Galaxy will also
lead to a lowering of the amplitude of the dipole to about 90% and 70% of the original value, for
E/Z = 5 EeV and 2 EeV, respectively. The lower amplitude in the 4 EeV < E < 8 EeV bin might
also be the result of stronger magnetic deflections at lower energies.

Our findings constitute the observation of an anisotropy in the arrival direction of cosmic rays
with energies above 8 EeV. The anisotropy can be well represented by a dipole with an amplitude
of 6.5+1.3

�0.9% in the direction of right ascension ad = 100 ± 10� and declination dd = �24+12
�13

�
. By

comparing our results with phenomenological predictions, we find that the magnitude and di-
rection of the anisotropy support the hypothesis of an extragalactic origin for the highest-energy
cosmic rays, rather than sources within the Galaxy.
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Figure 6. The magnitude of the dipole as a function of the energy threshold
Emin for the three injection models and two GMF models we considered.
The points labelled ‘Auger + TA 2015’ and ‘Auger 2017’ show the dipole
magnitude reported in Deligny (2015) and Taborda (2017), respectively.
The dotted lines show the 99.9 per cent C.L. detection thresholds using the
current and near-future Auger and TA exposures (see the text for details).

Figure 7. The magnitude of the dipole as a function of the energy threshold
Emin (same notation as in Fig. 6). The point labelled ‘Auger + TA 2014’ is
the quadrupole magnitude computed from the a2m coefficients reported in
Aab et al. (2014).

Explicitly, retaining only the dipole (l = 1) and quadrupole
(l = 2) contributions, the flux !(n̂) can be written as

!(n̂) = !0(1 + d · n̂ + n̂ · Qn̂ + · · ·),

where the average flux is !0 = a00/
√

4π (!0 = 1/4π if we use the
normalization

∫
4π !(n̂) d" = 1), the dipole d is a vector with three

independent components, which are linear combinations of a1m/a00,
and the quadrupole Q is a rank-2 traceless symmetric tensor (i.e.
its eigenvalues λ+, λ0, λ− sum to 0 and its eigenvectors q̂+, q̂0 , q̂−
are orthogonal) with five independent components, which are linear
combinations of a2m/a00. The rotationally invariant combinations
|d| = 3

√
C1/C0 and

√
λ2

+ + λ2
− + λ2

0 = 5
√

3C2/2C0 characterize
the magnitude of the corresponding relative flux variations over the
sphere. The dipole and quadrupole moments quantify anisotropies
at scales ∼180◦ and ∼90◦ respectively, and are therefore relatively
insensitive to magnetic deflections except at the lowest energies.

In Figs 6 and 7, we present the energy dependence of the dipole
amplitude |d| and the quadrupole amplitude (λ2

+ + λ2
− + λ2

0)1/2 re-
spectively in the various scenarios we considered. The first thing we
point out is that, whereas there are some differences between predic-

tions using the two different GMF models with the same injection
model, they are not so large as to impede a meaningful interpre-
tation of the results in spite of the GMF uncertainties. Conversely,
the results from the three injection models do differ significantly,
with heavier compositions resulting in larger dipole and quadrupole
moments for high energy thresholds (due to the shorter propaga-
tion horizon) but smaller ones for lower thresholds (due to larger
magnetic deflections).

Increasing the energy threshold, the expected dipole and
quadrupole strengths increase, but at the same time the amount of
statistics available decreases due to the steeply falling energy spec-
trum, making it non-obvious whether the overall effect is to make the
detection of the dipole and quadrupole easier with higher or lower
Emin. To answer this question, we have calculated the 99.9 per cent
C.L. detection thresholds, i.e. the multipole amplitudes such that
larger values would be measured in less than 0.1 per cent of ran-
dom realizations in case of an isotropic UHECR flux. The detection
thresholds scale like ∝ 1/

√
N with the number of events N. Since

below the observed cutoff (∼40 EeV) the integral spectrum at Earth
N (≥ Emin) is close to a power law ∝ E−2

min, the detection threshold is
roughly proportional to Emin. At higher energies, the experimental
sensitivity degrades faster as the result of the cutoff.

In order to compute the detection thresholds, we assumed the
energy spectrum measured by Auger (Fenu 2017) and (i) the sum
of the exposures used in the most recent Auger (Giaccari 2017) and
TA (Nonaka 2017) analyses (lines labelled ‘2017’); (ii) the sum of
the exposures expected if another 3 yr of data are collected with
3000 km2 effective area by each observatory, as planned following
the fourfold expansion of TA (Sagawa 2015) (lines labelled ‘2020’).
The sensitivity is less than what it would be if we had uniform ex-
posure over the full sky, as the actual exposure is currently much
larger in the Southern than in the Northern hemisphere. Also, we ne-
glected the systematic uncertainty due to the different energy scales
of the two experiments, which mainly affects the z-component of
the dipole. We find that the dipole and quadrupole strengths in-
crease with the energy threshold faster than the statistical sensitiv-
ity degrades in the case of a heavy composition but slower in the
case of a medium or light composition, making higher thresholds
more advantageous in the former case, and lower thresholds in the
latter.

At the highest energies (where there cannot be large amounts of
intermediate-mass nuclei, due to photodisintegration), a heavy com-
position would result in a dipole and especially quadrupole moment
large enough to be detected in the very near future; failure to do so
would be strongly indicative of a proton-dominated composition at
those energies.

At intermediate energies (Emin ∼ 30 EeV), the dipole and
quadrupole are guaranteed to be above the near-future detection
threshold regardless of the mass composition. Unfortunately the
model predictions do not vary dramatically at these energies, so
while a lack of dipole or quadrupole would imply that some of
our assumptions must be wrong, a successful detection will not be
particularly useful in discriminating between the various injection
scenarios.

At even lower energy thresholds, the sensitivity of the dipole
and quadrupole moment to the UHECR mass composition is again
stronger; in particular, the combined Auger and TA data set (Aab
et al. 2014) is already able to disfavour a pure proton compo-
sition, as it would result in a much stronger quadrupole mo-
ment than observed, as shown by the corresponding data point
in Fig. 7. We also show the dipole magnitudes reported by TA and
Auger for Emin = 10 EeV (Deligny 2015) and by Auger only for
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a. State of the Art and Objectives 

a.1. A non-standard perspective to the origin of high-energy cosmic rays 

At the crossroad of fundamental particle physics and astrophysics puzzles, the question of the origin of the 
highest energy cosmic rays still remains to be answered [1]. These rare, charged atomic nuclei of energy > 
1017 eV are detected indirectly via secondary particles cascading in the atmosphere, implying hadronic 
physics hardly probed by accelerators on Earth. It has now been demonstrated that the highest energy cosmic 
rays (> 8 EeV) originate in extragalactic sources, given the lack of strong dipole anisotropy observed in the 
Auger data [2]. Lower energy cosmic rays should be created and contained in the Galaxy, so a transition 
between Galactic to extragalactic components should occur between energies 1016.5-18.5 eV. 

Virtues of this "transition region". When investigating the 
origin of the highest energy cosmic rays, one obvious 
direction to explore is the extreme energy end. On the other 
hand, the location where this  extragalactic component 
emerges is equally worth examining. Transition regions are 
gold mines that, if measured precisely enough, can be found to 
present characteristic spectral and composition features that 
enable to discriminate source models. The Galactic to 
extragalactic transition region further offers two main virtues: 
i) it has a relatively important particle flux (of a few 100 cm−2 

sr−1 s−1 GeV2), allowing to accumulate reasonable statistics 
with mid-sized detectors and ii) it overlaps with the energy 
range experimentally probed by the LHC, which, in the proton 
rest mass frame, reaches up to 1017 eV. These advantages will 
enable us to explore the long-standing question of the origin 
of the highest energy cosmic rays in a cost-effective manner, 
and to derive less model-dependent conclusions.  

Spectral and mass composition signatures of a transition. 
The spectra of individual mass groups derived by KASCADE-
Grande [3] seems to depict "knee"-like features (spectral 
softenings) of increasing mass composition, that could 
indicate a vanishing Galactic component, and the emergence of a lighter extragalactic component. These 
results were perceived as a confirmation of a "natural" transition happening at the ankle as discussed 
traditionally (e.g., [4-6]). But then came more data with HEAT, IceTop, KASCADE-Grande, TALE, Tunka, 
showing a bumpy spectra below the ankle. These experiments confirm the existence of a spectral softening 
called the "second knee" around 1017 eV. With this new data, one of the "funny shapes" depicted in Fig. B.1 
could be the reality. 

A precise measurement of the mass composition needed. Many studies have been conducted to examine 
the impact of source and propagation parameters in this transition region [5-21]. A fundamental related open 
question which can also be studied here is how and where particles could be accelerated to energies ~1017 eV 
or above, within the Galaxy (e.g., [5] and refs. therein). The conclusion of the theoretical studies is that the 
location and nature of the transition from Galactic to extragalactic cosmic rays leads to distinct features of 
the energy evolution of the mass composition of cosmic rays. However, for the moment, most source models 
lead to reasonably good fits, given the large systematic uncertainties in the data (Figs. B1.1 and B2.2). Fig. 
B2.2 shows that the uncertainty range in the mass composition data still covers a large band of the 
parameter-space, all the more if one overlays estimates derived from the discrepant muon numbers in the air-
showers, as discussed further. A discrimination between the different source scenarii will require to take a 
further step in precision for the measurement of the mass composition at the transition region. 
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Figure 2: Illustration of di↵erent types of transitions between two components. If the first one is softer than the second, an ankle is produced. If the
second one is harder than the first, no smooth transition is obtained, unless the second one only starts above a given energy, which must happen to
be where the first one ends, and at this coincidental energy, the two components must in addition have a similar flux.

3. About the GCR/EGCR transition

The above interpretation of the UHECR data in terms
of a low-energy cuto↵ of the protons in the sources
should be regarded more as a framework than as a fully
definite model. First, it should not be expected that
all sources behave in exactly the same way, with the
same spectrum, maximum energy and composition, as
usually assumed, lacking better knowledge. Second,
the source distribution in the vicinity of the Earth –
which includes not only the local source density, but
also the actual location and intrinsic power of the in-
dividual sources –, plays a role in shaping the UHECR
spectrum and influencing the composition and the distri-
bution events over the sky (see [20] for further discus-
sion on the so-called cosmic variance). However, it is
likely that the low proton Emax framework catches some
important aspects of the UHECR phenomenology, as re-
vealed by the most recent data.

One important teaching of this framework is that the
source spectrum of the extragalactic UHECRs is prob-
ably much harder than what had been derived under
the oversimplifying assumption of a pure-proton model.
Assuming that the source spectrum can be approxi-
mated by a power-law, the logarithmic index of this
power law should be smaller than 2, and possibly as low
as 1.5 [3, 20, 21].

An important consequence of such a hard spectrum
is that the extragalactic component responsible for the
bulk of the UHECRs above, say, 1019 eV, cannot domi-
nate the cosmic ray flux much below the spectral break
referred to as the ankle, at ⇠ 3 ⇥ 1018 eV (see also
[22, 23]). This has a direct implication for the sources
of the GCRs: at least some of the cosmic-ray sources
in our Galaxy must be able to accelerate particles up to
⇠ 3 ⇥ 1018 eV or above. This is very challenging for
most of the sources investigated in the case of protons.

However, if the highest-energy end of the GCR spec-
trum is dominated by heavy nuclei, as suggested by the
available data, the maximum energy reached by the pro-
tons in the GCR sources does not need to be so large. In
the most standard acceleration scenarios, the maximum
energy of di↵erent nuclei corresponds to the same max-
imum rigidity, and is thus proportional to the charge,
Z, for fully ionized nuclei. Among the heavy nuclei
at the high-energy end of the GCR spectrum, the most
abundant are expected to be Fe nuclei. The existence of
Galactic Fe nuclei at the ankle, i.e. at ⇠ 3 ⇥ 1018 eV,
would thus imply that (at least some) GCR sources ac-
celerate protons up to ⇠ 1017 eV (or possibly above).

The question of the GCR/EGCR transition thus ap-
pears as an important question for the understanding of
both the GCRs and the UHECRs.

In this respect, an interesting piece of information is
added by the observational results recently published by
the KASCADE-Grande collaboration ([24, 25], and see
also [26]). In their data, they are able to select atmo-
spheric showers with characteristics (muon number vs.
size) which make it more probable that they have been
induced by a light, rather than a heavy nucleus. Ac-
cording to the latest KASCADE-Grande data, when se-
lecting the CR showers which are induced by the light-
est particles (mostly protons, with possibly some frac-
tion of He nuclei), an ankle-like feature is observed at
⇠ 10 17 eV. This is exactly where one would expect
a transition between the Galactic and the extragalactic
protons, if the overall GCR/EGCR transition were lo-
cated at the ankle, with a dominant Galactic Fe compo-
nent at this energy.

Now, let us try and summarize the situation relating
to the GCR/EGCR transition.

In its most usual representation, the global cosmic ray
spectrum is described as a power law, E�x, with a log-
arithmic index x ⇠ 2.7 below the knee, then x ⇠ 3.0

Figure B2.1. Sketch of spectral shapes given by 
different transitions between 2 components [6]. 
The first transition seemed natural when the 
ankle was the only feature confirmed. Recent 
data have revealed the presence of a "second 
knee", implying that the "funny shapes" depicted 
here could be the reality.
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second one is harder than the first, no smooth transition is obtained, unless the second one only starts above a given energy, which must happen to
be where the first one ends, and at this coincidental energy, the two components must in addition have a similar flux.

3. About the GCR/EGCR transition

The above interpretation of the UHECR data in terms
of a low-energy cuto↵ of the protons in the sources
should be regarded more as a framework than as a fully
definite model. First, it should not be expected that
all sources behave in exactly the same way, with the
same spectrum, maximum energy and composition, as
usually assumed, lacking better knowledge. Second,
the source distribution in the vicinity of the Earth –
which includes not only the local source density, but
also the actual location and intrinsic power of the in-
dividual sources –, plays a role in shaping the UHECR
spectrum and influencing the composition and the distri-
bution events over the sky (see [20] for further discus-
sion on the so-called cosmic variance). However, it is
likely that the low proton Emax framework catches some
important aspects of the UHECR phenomenology, as re-
vealed by the most recent data.

One important teaching of this framework is that the
source spectrum of the extragalactic UHECRs is prob-
ably much harder than what had been derived under
the oversimplifying assumption of a pure-proton model.
Assuming that the source spectrum can be approxi-
mated by a power-law, the logarithmic index of this
power law should be smaller than 2, and possibly as low
as 1.5 [3, 20, 21].

An important consequence of such a hard spectrum
is that the extragalactic component responsible for the
bulk of the UHECRs above, say, 1019 eV, cannot domi-
nate the cosmic ray flux much below the spectral break
referred to as the ankle, at ⇠ 3 ⇥ 1018 eV (see also
[22, 23]). This has a direct implication for the sources
of the GCRs: at least some of the cosmic-ray sources
in our Galaxy must be able to accelerate particles up to
⇠ 3 ⇥ 1018 eV or above. This is very challenging for
most of the sources investigated in the case of protons.

However, if the highest-energy end of the GCR spec-
trum is dominated by heavy nuclei, as suggested by the
available data, the maximum energy reached by the pro-
tons in the GCR sources does not need to be so large. In
the most standard acceleration scenarios, the maximum
energy of di↵erent nuclei corresponds to the same max-
imum rigidity, and is thus proportional to the charge,
Z, for fully ionized nuclei. Among the heavy nuclei
at the high-energy end of the GCR spectrum, the most
abundant are expected to be Fe nuclei. The existence of
Galactic Fe nuclei at the ankle, i.e. at ⇠ 3 ⇥ 1018 eV,
would thus imply that (at least some) GCR sources ac-
celerate protons up to ⇠ 1017 eV (or possibly above).

The question of the GCR/EGCR transition thus ap-
pears as an important question for the understanding of
both the GCRs and the UHECRs.

In this respect, an interesting piece of information is
added by the observational results recently published by
the KASCADE-Grande collaboration ([24, 25], and see
also [26]). In their data, they are able to select atmo-
spheric showers with characteristics (muon number vs.
size) which make it more probable that they have been
induced by a light, rather than a heavy nucleus. Ac-
cording to the latest KASCADE-Grande data, when se-
lecting the CR showers which are induced by the light-
est particles (mostly protons, with possibly some frac-
tion of He nuclei), an ankle-like feature is observed at
⇠ 10 17 eV. This is exactly where one would expect
a transition between the Galactic and the extragalactic
protons, if the overall GCR/EGCR transition were lo-
cated at the ankle, with a dominant Galactic Fe compo-
nent at this energy.

Now, let us try and summarize the situation relating
to the GCR/EGCR transition.

In its most usual representation, the global cosmic ray
spectrum is described as a power law, E�x, with a log-
arithmic index x ⇠ 2.7 below the knee, then x ⇠ 3.0
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1.3 Can we identify the cosmic accelerators?

Today, despite the successes of multimessenger astronomy, the detection of UHECR and high-
energy neutrinos seems to raise more questions than answers. As developed in Alves Batista
et al. (2019), a plethora of salient open questions remain on the origin of the UHECR, their
mass composition, the features appearing at the highest energies in the cosmic ray spectrum
(the ankle, the GZK cut-o↵), the propagation of UHECR and the e↵ect of magnetic fields, their
anisotropies, the characteristics of hadronic interactions and discovery potentials for secondary
particles, such as photons and neutrinos, and new physics.

As stated before, the acceleration of hadrons to very-high energies in energetic sources is still an
open question. This question is absolutely fundamental as the Galactic and extragalactic popu-
lations of sources producing the cosmic rays detected from 1014 eV to more than 1020 eV are yet
to be found, as well as the sources of the cosmic high-energy neutrinos detected above 1013 eV.
Depending on their evolution model, comoving rate densities, cosmic ray injection spectrum and
elementary composition, these sources could contribute to the extragalactic gamma-ray back-
ground and produce a variable amount of VHE neutrinos. Solving this question requires a careful
modeling of acceleration and interaction processes, in a constant dialogue with observations.

A large variety of candidate sources for the acceleration of hadrons have been identified and
studied. As a first step, a simple energy requirement, known as the Hillas condition (Hillas,
1984) allows to identify the sources able to accelerate cosmic rays up to a given energy. By
comparing the gyroradius rg = �mc

2
�?/ZeB of a particle of charge Z, mass m, Lorentz factor

� and speed v? = c�? perpendicular to the magnetic field B, to the typical size of the source R,
this criterion puts constraints on the size and the magnetic field of sources allowing to produce
e�cient cosmic-ray acceleration, with Emax . ⌘accZeBR, where ⌘acc is added to account for
the acceleration e�ciency which can be low for non-relativistic outflows. This criterion can be
extended to relativistic outflows, for which we compare the Larmor radius and typical size in
the comoving frame, which gives Emax . ⌘accZeB

0
R

0� where R
0 and B

0 are the typical size
and magnetic field in the comoving frame, as illustrated in figure 1.9 for a maximum energy
Emax = 1020 eV.

Figure 1.9: Hillas diagram for various sources classes, as a function of R0� and B
0, adapted from Alves

Batista et al. (2019). Above the solid red and blue lines, sources can accelerate respectively protons and
iron above Emax = 1020 eV.

Detailed analysis and modeling of the source properties is then required to reach more precise
conclusions. Several UHECR source models have been proposed in the literature, such as radio-
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de l’ordre de ⇤conf ⌅ 107 ans. On peut comparer cette luminosité à celle des supernovæ : leur
fréquence dans la Galaxie est de 0.01 par an et l’énergie mécanique libérée en une explosion est
de ESN ⌅ 1051 erg. Ainsi, la luminosité des supernovæ Galactiques est de LSN ⌅ 3⇥ 1041 erg/s.
Il su⇥ra donc d’injecter environ 10% de cette puissance aux rayons cosmiques pour expliquer
leur flux.

Les restes de supernovæ présentent des chocs forts non relativistes à l’interface entre l’en-
veloppe éjectée et le milieu interstellaire, ce qui constitue un site idéal d’accélération de Fermi.
D’après l’équation (1.8), on s’attend donc que des particules soient injectées dans le milieu Ga-
lactique avec un spectre Qinj ⇧ E��, avec � = 2.0 � 2.3. Mais ces particules peuvent aussi
s’échapper de la Galaxie et le spectre à l’équilibre des rayons cosmiques Galactiques JGal peut
se calculer en se plaçant dans le modèle de la “bôıte fuyante” (Leaky Box en anglais). On peut
écrire en e�et, en négligeant les pertes d’énergie par interaction dans le milieu interstellaire :

JGal(E) =
Qinj(E)
⇤esc(E)

. (1.10)

Le temps d’échappement ⇤esc(E) est bien sûr relié au temps de confinement ⇤conf(E) qui peut
être mesuré par des rapports d’abondance d’éléments chimiques 4. Les observations indiquent
que ⇤esc ⇧ E⇥ avec ⇥ ⌅ 0.6. Avec un spectre d’injection en 2.1, on pourrait alors très bien
reproduire l’indice spectral des rayons cosmiques observés avant le genou.

On peut aussi remarquer que ⇤esc dépend du transport des particules, et donc du coe⇥cient
de di�usion dans le champ magnétique Galactique (voir annexe A.1.3). En supposant que la
turbulence magnétique Galactique est de type Kolmogorov, on trouve cette fois ⇥ = 1/3. Un
spectre d’injection toujours raisonnable en � ⌅ 2.35 serait alors nécessaire pour retrouver le flux
des rayons cosmiques observé.

On peut enfin se demander jusqu’à quelle énergie les restes de supernovæ peuvent contribuer
au spectre des rayons cosmiques. Le mécanisme de Fermi ne peut fonctionner que si les particules
restent confinées dans la zone d’accélération. Ce confinement a lieu grâce au champ magnétique
et il faut donc que le rayon de Larmor de la particule soit inférieur à la taille de la source. Le
rayon de Larmor d’une particule d’énergie E et de charge Z dans un milieu de champ magnétique
moyen B s’écrit :

rL = 1.08 MpcZ�1

�
E

1018 eV

⇥ �
B

1 nG

⇥�1

. (1.11)

La condition de confinement dans une source de taille L s’écrit rL ⇤ L et peut se retranscrire
en terme d’énergie de la façon suivante (c’est le critère de Hillas 1984) :

E ⇤ Emax ⌅ 1015 eV ⇥ Z

�
B

1 µG

⇥ �
L

1 pc

⇥
. (1.12)

On a choisi ici les valeurs numériques moyennes pour des restes de supernovæ. Lagage & Cesarsky
(1983) ont e�ectué un calcul plus détaillé en prenant en compte l’évolution des supernovæ, et
montrent que Emax ⌅ 2⇥1014 eV⇥Z (B/1 µG). La prise en compte de l’amplification du champ
magnétique dans le choc par la rétroaction des rayons cosmiques permet d’atteindre au moins
l’énergie du genou pour les protons. Dans tous les cas, l’énergie maximale calculée simplement
en (1.12) est trop proche de celle du genou (pour les protons) pour ne pas y voir une relation.

4. Par exemple, les noyaux de bore (B) étant naturellement peu abondants dans la Galaxie, on estime que

ceux observés sont essentiellement des particules secondaires produites par des noyaux de carbone (C) primaires.

Le rapport B/C indiquera donc le taux d’interaction subi par les primaires et donc la densité de colonne (ou

grammage) traversée. On peut ainsi retrouver leur distance parcourue et leur temps de confinement.
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for extragalactic sources. Requiring that candidate sources be capable of confining par-

ticles up to Emax, translates into a simple selection criterium for candidate sources with
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intergalactic medium. The Hillas criterion is a necessary condition, but not su�cient. In

particular, most UHECR acceleration models rely on time dependent environments and

relativistic outflows where the Lorentz factor � � 1. In the rest frame of the magnetized

plasma, particles can only be accelerated over a transverse distance R/�, which changes

subsequently the Hillas criterion.
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de l’ordre de ⇤conf ⌅ 107 ans. On peut comparer cette luminosité à celle des supernovæ : leur
fréquence dans la Galaxie est de 0.01 par an et l’énergie mécanique libérée en une explosion est
de ESN ⌅ 1051 erg. Ainsi, la luminosité des supernovæ Galactiques est de LSN ⌅ 3⇥ 1041 erg/s.
Il su⇥ra donc d’injecter environ 10% de cette puissance aux rayons cosmiques pour expliquer
leur flux.

Les restes de supernovæ présentent des chocs forts non relativistes à l’interface entre l’en-
veloppe éjectée et le milieu interstellaire, ce qui constitue un site idéal d’accélération de Fermi.
D’après l’équation (1.8), on s’attend donc que des particules soient injectées dans le milieu Ga-
lactique avec un spectre Qinj ⇧ E��, avec � = 2.0 � 2.3. Mais ces particules peuvent aussi
s’échapper de la Galaxie et le spectre à l’équilibre des rayons cosmiques Galactiques JGal peut
se calculer en se plaçant dans le modèle de la “bôıte fuyante” (Leaky Box en anglais). On peut
écrire en e�et, en négligeant les pertes d’énergie par interaction dans le milieu interstellaire :

JGal(E) =
Qinj(E)
⇤esc(E)

. (1.10)

Le temps d’échappement ⇤esc(E) est bien sûr relié au temps de confinement ⇤conf(E) qui peut
être mesuré par des rapports d’abondance d’éléments chimiques 4. Les observations indiquent
que ⇤esc ⇧ E⇥ avec ⇥ ⌅ 0.6. Avec un spectre d’injection en 2.1, on pourrait alors très bien
reproduire l’indice spectral des rayons cosmiques observés avant le genou.

On peut aussi remarquer que ⇤esc dépend du transport des particules, et donc du coe⇥cient
de di�usion dans le champ magnétique Galactique (voir annexe A.1.3). En supposant que la
turbulence magnétique Galactique est de type Kolmogorov, on trouve cette fois ⇥ = 1/3. Un
spectre d’injection toujours raisonnable en � ⌅ 2.35 serait alors nécessaire pour retrouver le flux
des rayons cosmiques observé.

On peut enfin se demander jusqu’à quelle énergie les restes de supernovæ peuvent contribuer
au spectre des rayons cosmiques. Le mécanisme de Fermi ne peut fonctionner que si les particules
restent confinées dans la zone d’accélération. Ce confinement a lieu grâce au champ magnétique
et il faut donc que le rayon de Larmor de la particule soit inférieur à la taille de la source. Le
rayon de Larmor d’une particule d’énergie E et de charge Z dans un milieu de champ magnétique
moyen B s’écrit :

rL = 1.08 MpcZ�1

�
E

1018 eV

⇥ �
B

1 nG

⇥�1

. (1.11)

La condition de confinement dans une source de taille L s’écrit rL ⇤ L et peut se retranscrire
en terme d’énergie de la façon suivante (c’est le critère de Hillas 1984) :

E ⇤ Emax ⌅ 1015 eV ⇥ Z

�
B

1 µG
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L

1 pc

⇥
. (1.12)

On a choisi ici les valeurs numériques moyennes pour des restes de supernovæ. Lagage & Cesarsky
(1983) ont e�ectué un calcul plus détaillé en prenant en compte l’évolution des supernovæ, et
montrent que Emax ⌅ 2⇥1014 eV⇥Z (B/1 µG). La prise en compte de l’amplification du champ
magnétique dans le choc par la rétroaction des rayons cosmiques permet d’atteindre au moins
l’énergie du genou pour les protons. Dans tous les cas, l’énergie maximale calculée simplement
en (1.12) est trop proche de celle du genou (pour les protons) pour ne pas y voir une relation.

4. Par exemple, les noyaux de bore (B) étant naturellement peu abondants dans la Galaxie, on estime que

ceux observés sont essentiellement des particules secondaires produites par des noyaux de carbone (C) primaires.

Le rapport B/C indiquera donc le taux d’interaction subi par les primaires et donc la densité de colonne (ou
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1.3 Can we identify the cosmic accelerators?

Today, despite the successes of multimessenger astronomy, the detection of UHECR and high-
energy neutrinos seems to raise more questions than answers. As developed in Alves Batista
et al. (2019), a plethora of salient open questions remain on the origin of the UHECR, their
mass composition, the features appearing at the highest energies in the cosmic ray spectrum
(the ankle, the GZK cut-o↵), the propagation of UHECR and the e↵ect of magnetic fields, their
anisotropies, the characteristics of hadronic interactions and discovery potentials for secondary
particles, such as photons and neutrinos, and new physics.

As stated before, the acceleration of hadrons to very-high energies in energetic sources is still an
open question. This question is absolutely fundamental as the Galactic and extragalactic popu-
lations of sources producing the cosmic rays detected from 1014 eV to more than 1020 eV are yet
to be found, as well as the sources of the cosmic high-energy neutrinos detected above 1013 eV.
Depending on their evolution model, comoving rate densities, cosmic ray injection spectrum and
elementary composition, these sources could contribute to the extragalactic gamma-ray back-
ground and produce a variable amount of VHE neutrinos. Solving this question requires a careful
modeling of acceleration and interaction processes, in a constant dialogue with observations.

A large variety of candidate sources for the acceleration of hadrons have been identified and
studied. As a first step, a simple energy requirement, known as the Hillas condition (Hillas,
1984) allows to identify the sources able to accelerate cosmic rays up to a given energy. By
comparing the gyroradius rg = �mc

2
�?/ZeB of a particle of charge Z, mass m, Lorentz factor

� and speed v? = c�? perpendicular to the magnetic field B, to the typical size of the source R,
this criterion puts constraints on the size and the magnetic field of sources allowing to produce
e�cient cosmic-ray acceleration, with Emax . ⌘accZeBR, where ⌘acc is added to account for
the acceleration e�ciency which can be low for non-relativistic outflows. This criterion can be
extended to relativistic outflows, for which we compare the Larmor radius and typical size in
the comoving frame, which gives Emax . ⌘accZeB

0
R

0� where R
0 and B

0 are the typical size
and magnetic field in the comoving frame, as illustrated in figure 1.9 for a maximum energy
Emax = 1020 eV.

Figure 1.9: Hillas diagram for various sources classes, as a function of R
0� and B

0, adapted from Alves
Batista et al. (2019). Above the solid red and blue lines, sources can accelerate respectively protons and
iron above Emax = 1020 eV.

Detailed analysis and modeling of the source properties is then required to reach more precise
conclusions. Several UHECR source models have been proposed in the literature, such as radio-
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20 Chapter 1. The vibrant context of transient multi-messenger astronomy

1.3 Can we identify the cosmic accelerators?

Today, despite the successes of multimessenger astronomy, the detection of UHECR and high-
energy neutrinos seems to raise more questions than answers. As developed in Alves Batista
et al. (2019), a plethora of salient open questions remain on the origin of the UHECR, their
mass composition, the features appearing at the highest energies in the cosmic ray spectrum
(the ankle, the GZK cut-o↵), the propagation of UHECR and the e↵ect of magnetic fields, their
anisotropies, the characteristics of hadronic interactions and discovery potentials for secondary
particles, such as photons and neutrinos, and new physics.

As stated before, the acceleration of hadrons to very-high energies in energetic sources is still an
open question. This question is absolutely fundamental as the Galactic and extragalactic popu-
lations of sources producing the cosmic rays detected from 1014 eV to more than 1020 eV are yet
to be found, as well as the sources of the cosmic high-energy neutrinos detected above 1013 eV.
Depending on their evolution model, comoving rate densities, cosmic ray injection spectrum and
elementary composition, these sources could contribute to the extragalactic gamma-ray back-
ground and produce a variable amount of VHE neutrinos. Solving this question requires a careful
modeling of acceleration and interaction processes, in a constant dialogue with observations.

A large variety of candidate sources for the acceleration of hadrons have been identified and
studied. As a first step, a simple energy requirement, known as the Hillas condition (Hillas,
1984) allows to identify the sources able to accelerate cosmic rays up to a given energy. By
comparing the gyroradius rg = �mc

2
�?/ZeB of a particle of charge Z, mass m, Lorentz factor

� and speed v? = c�? perpendicular to the magnetic field B, to the typical size of the source R,
this criterion puts constraints on the size and the magnetic field of sources allowing to produce
e�cient cosmic-ray acceleration, with Emax . ⌘accZeBR, where ⌘acc is added to account for
the acceleration e�ciency which can be low for non-relativistic outflows. This criterion can be
extended to relativistic outflows, for which we compare the Larmor radius and typical size in
the comoving frame, which gives Emax . ⌘accZeB

0
R

0� where R
0 and B

0 are the typical size
and magnetic field in the comoving frame, as illustrated in figure 1.9 for a maximum energy
Emax = 1020 eV.

Figure 1.9: Hillas diagram for various sources classes, as a function of R
0� and B

0, adapted from Alves
Batista et al. (2019). Above the solid red and blue lines, sources can accelerate respectively protons and
iron above Emax = 1020 eV.

Detailed analysis and modeling of the source properties is then required to reach more precise
conclusions. Several UHECR source models have been proposed in the literature, such as radio-

10 20 eV

10 20 eV
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The maximum accessible energy further depends on many details of the acceleration re-

gion but can be estimated by comparing the acceleration time, tacc, the escape time of

particles from the acceleration region tesc, the lifetime of the source, tage, and the energy

loss time due to expansion and to interactions with the ambient medium, tloss (see, e.g.,

Norman et al. 1995a; Lemoine & Waxman 2009). The condition for successful acceleration

can then be written tacc . tesc, tage, tloss. The escape timescale tesc = R
2
/(2D), where D is

the di↵usion coe�cient, depends on the characteristics of the transport of particles in the

ambient medium, i.e., on the magnetic field and on the turbulence features. Detailed stud-

ies of this subject can be found in, e.g., Jokipii (1966); Giacalone & Jokipii (1999); Casse

et al. (2002); Yan & Lazarian (2002); Candia & Roulet (2004); Marcowith et al. (2006).

Energy losses during acceleration are generally due to synchrotron radiation, to interac-

tions with the radiative backgrounds, or to hadronic interactions, the latter process being

mostly ine�cient in diluted astrophysical media. The timescale for energy losses through

synchrotron emission and pion production can be expressed in a generic way (Biermann &

Strittmatter 1987): trad = (6⇡m4

pc
3
/�Tm

2

e)E
�1

B
�2(1 + A)�1, where A = 240U�/UB cor-

responds to the ratio of the energy density of radiation leading to pion production U� , to

the magnetic energy density UB = B
2
/8⇡. In the central region of an AGN for example, as-

suming equipartition with the magnetic field (corresponding to the Eddington luminosity),

for E20 = E/1020 eV and BG = B/1G, trad ⇠ 105sE�1

20
B

�2

G
. This timescale has to be com-

pared to the acceleration timescale which reads (Lemoine & Waxman 2009): tacc = A tL,

where tL is the Larmor timescale and A & 1 for all types of Fermi acceleration (non, mildly,

or ultra-relativistic, 1st and 2nd order Fermi accelerations). For a non relativistic 1st order

Fermi acceleration for instance, A ⇠ g/�
2

sh and tacc ⇠ 107s g E20B
�1

G
�
�2

sh
, where the shock

velocity �sh ⌧ 1 and g ⌘ D/(rLc) & 1. Majoring this timescale with the radiative loss

timescale leads to a maximum acceleration energy in the central region of AGN of order:

Emax ⇠ 1019 eV g
�1/2

B
�1/2
G

�sh.

In the generic case of acceleration in an outflow, Lemoine & Waxman (2009) compare this

acceleration time and the dynamical time tdyn ⇠ R/�W�Wc of the outflow, to set a robust

lower bound on the luminosity that a source must possess in order to be able to accelerate

particles up to E = 1020 eVE20: L > LB ⌘ �WR
2
B

2
/2 > 1045 Z�2

E
2

20 erg s�1. The

magnetic luminosity LB of the source is written as a function of the size of the acceleration

region R in the observer frame, in motion with Lorentz factor �W (and velocity �W) and

imparted with a magnetic field of characteristic strength B. This quantity is not straight-

forward to derive: the classical determination of the field strength using the synchrotron

emission (assuming equipartition between the total energy density of non thermal particles

and of the magnetic field for example), depends notably on the hardly known ratio between

the leptonic and hadronic accelerated particles (e.g., Beck & Krause 2005). In the case of

blazars for example, Celotti & Ghisellini (2008) discuss that their jets are not magnetically

dominated and that Farano↵-Riley I (FRI) radio galaxies, TeV blazars, and BL Lac objects

only possess magnetic luminosities of order 1042�44 erg s�1.

It should be noted that the escape of particles from acceleration regions is an intricate

issue that has been scarcely discussed in detail in the literature (note however the works

of Norman et al. 1995a; Mannheim et al. 2001; Rachen 2008; Allard & Protheroe 2009).
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≫ 1
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~ 1 at best

The maximum accessible energy further depends on many details of the acceleration re-
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In the generic case of acceleration in an outflow, Lemoine & Waxman (2009) compare this
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imparted with a magnetic field of characteristic strength B. This quantity is not straight-

forward to derive: the classical determination of the field strength using the synchrotron

emission (assuming equipartition between the total energy density of non thermal particles

and of the magnetic field for example), depends notably on the hardly known ratio between

the leptonic and hadronic accelerated particles (e.g., Beck & Krause 2005). In the case of

blazars for example, Celotti & Ghisellini (2008) discuss that their jets are not magnetically

dominated and that Farano↵-Riley I (FRI) radio galaxies, TeV blazars, and BL Lac objects

only possess magnetic luminosities of order 1042�44 erg s�1.

It should be noted that the escape of particles from acceleration regions is an intricate

issue that has been scarcely discussed in detail in the literature (note however the works

of Norman et al. 1995a; Mannheim et al. 2001; Rachen 2008; Allard & Protheroe 2009).
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emission (assuming equipartition between the total energy density of non thermal particles

and of the magnetic field for example), depends notably on the hardly known ratio between
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blazars for example, Celotti & Ghisellini (2008) discuss that their jets are not magnetically

dominated and that Farano↵-Riley I (FRI) radio galaxies, TeV blazars, and BL Lac objects

only possess magnetic luminosities of order 1042�44 erg s�1.
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The maximum accessible energy further depends on many details of the acceleration re-

gion but can be estimated by comparing the acceleration time, tacc, the escape time of

particles from the acceleration region tesc, the lifetime of the source, tage, and the energy

loss time due to expansion and to interactions with the ambient medium, tloss (see, e.g.,

Norman et al. 1995a; Lemoine & Waxman 2009). The condition for successful acceleration

can then be written tacc . tesc, tage, tloss. The escape timescale tesc = R
2
/(2D), where D is

the di↵usion coe�cient, depends on the characteristics of the transport of particles in the

ambient medium, i.e., on the magnetic field and on the turbulence features. Detailed stud-

ies of this subject can be found in, e.g., Jokipii (1966); Giacalone & Jokipii (1999); Casse

et al. (2002); Yan & Lazarian (2002); Candia & Roulet (2004); Marcowith et al. (2006).

Energy losses during acceleration are generally due to synchrotron radiation, to interac-

tions with the radiative backgrounds, or to hadronic interactions, the latter process being

mostly ine�cient in diluted astrophysical media. The timescale for energy losses through

synchrotron emission and pion production can be expressed in a generic way (Biermann &

Strittmatter 1987): trad = (6⇡m4
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�2(1 + A)�1, where A = 240U�/UB cor-

responds to the ratio of the energy density of radiation leading to pion production U� , to

the magnetic energy density UB = B
2
/8⇡. In the central region of an AGN for example, as-

suming equipartition with the magnetic field (corresponding to the Eddington luminosity),

for E20 = E/1020 eV and BG = B/1G, trad ⇠ 105sE�1

20
B

�2

G
. This timescale has to be com-

pared to the acceleration timescale which reads (Lemoine & Waxman 2009): tacc = A tL,

where tL is the Larmor timescale and A & 1 for all types of Fermi acceleration (non, mildly,

or ultra-relativistic, 1st and 2nd order Fermi accelerations). For a non relativistic 1st order

Fermi acceleration for instance, A ⇠ g/�
2

sh and tacc ⇠ 107s g E20B
�1

G
�
�2

sh
, where the shock

velocity �sh ⌧ 1 and g ⌘ D/(rLc) & 1. Majoring this timescale with the radiative loss

timescale leads to a maximum acceleration energy in the central region of AGN of order:

Emax ⇠ 1019 eV g
�1/2

B
�1/2
G

�sh.

In the generic case of acceleration in an outflow, Lemoine & Waxman (2009) compare this

acceleration time and the dynamical time tdyn ⇠ R/�W�Wc of the outflow, to set a robust

lower bound on the luminosity that a source must possess in order to be able to accelerate

particles up to E = 1020 eVE20: L > LB ⌘ �WR
2
B

2
/2 > 1045 Z�2

E
2

20 erg s�1. The

magnetic luminosity LB of the source is written as a function of the size of the acceleration

region R in the observer frame, in motion with Lorentz factor �W (and velocity �W) and

imparted with a magnetic field of characteristic strength B. This quantity is not straight-

forward to derive: the classical determination of the field strength using the synchrotron

emission (assuming equipartition between the total energy density of non thermal particles

and of the magnetic field for example), depends notably on the hardly known ratio between

the leptonic and hadronic accelerated particles (e.g., Beck & Krause 2005). In the case of

blazars for example, Celotti & Ghisellini (2008) discuss that their jets are not magnetically

dominated and that Farano↵-Riley I (FRI) radio galaxies, TeV blazars, and BL Lac objects

only possess magnetic luminosities of order 1042�44 erg s�1.

It should be noted that the escape of particles from acceleration regions is an intricate

issue that has been scarcely discussed in detail in the literature (note however the works

of Norman et al. 1995a; Mannheim et al. 2001; Rachen 2008; Allard & Protheroe 2009).
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/(2D), where D is

the di↵usion coe�cient, depends on the characteristics of the transport of particles in the
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forward to derive: the classical determination of the field strength using the synchrotron
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and of the magnetic field for example), depends notably on the hardly known ratio between
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48 Chapter 2. Comparing explosive transients

Magnetar giant flares

In this first example, we consider an explosive transient with a bolometric luminosity Lbol =
2 ⇥ 1047 erg s�1, a bulk Lorentz factor � = 10, a variability timescale tvar = 10�2 s and a total
duration tdur = 1 s. The photon spectrum used as a target for photohadronic interactions is a
power law characterized by a very hard spectral index a = 0.1 below ✏

0
b = 5 keV and b = 3.1

above. The mean free paths for photohadronic interactions are illustrated in figure 2.6, together
with the typical size of the radiation region and the acceleration timescale, for a maximally
e�cient acceleration process ⌘acc = 1. We see that e�cient pion production is expected above
�
0
⇠ 104. Due to the hard photon spectrum, mainly photons at and above the break energy

contribute to photopion production. This leads to tp� / �
01�b below the break Lorentz factor

�
0
break ⇠ ✏̄th/✏

0
b ⇠ 4⇥ 104 and a constant tp� above the break Lorentz factor. Synchrotron losses

dominate above �
0
⇠ 108. Moreover, acceleration is limited by synchrotron losses. Inverse-

Compton and Bethe-Heitler losses are subdominant except for �
0 . 103 where Bethe-Heitler

interactions are the dominant process.
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Figure 2.6: Proton energy-loss and interaction lengths for the magnetar example. We show the accel-
eration length and typical size of the radiation region.

The cosmic-ray and neutrino spectra are illustrated in figure 2.7, for a source located at DL =
15 kpc. We consider a power law injection spectrum of index 1.5 for protons, between E

0
p,min

and E
0
p,max. The minimum energy is not well constrained, and we consider E

0
p,min ⇠ 1012 eV

in this example. The maximum energy is deduced from the competition between acceleration
and energy-loss processes, which gives E

0
p,max ⇠ 1017 eV. Thus we consider that the acceleration

process is able to produce a power-law spectrum over a large energy range. As expected, the
cosmic-ray spectrum is strongly a↵ected by the photopion production. The high-energy cut-o↵ is
due to synchrotron losses, preventing protons above ⇠ 1018 eV from escaping the source. More-
over, the neutrino spectrum is strongly a↵ected by secondary losses (mainly synchrotron losses
of muons). Without secondary losses, the neutrino spectrum peeks around 1016 eV whereas it
peaks around 1014 eV when secondary losses are accounted for. Below 1013 eV, the spectral index
is not exactly given by E

2
⌫F⌫ / E

1�↵+b
⌫ , which is certainly a consequence of the accumulation

of protons below 1014 eV due to photopion energy losses. Without secondary losses, the inter-
mediate spectral index between 1013 eV and 1016 eV is given by E

2
⌫F⌫ / E

2�↵
⌫ , as expected for

e�cient photopion production. Interestingly, this category of explosive transients could produce
a large amount of high-energy neutrinos in the energy range 1013 � 1015 eV, where the IceCube
experiment has the highest sensitivity. The source model used in this simple example would lead
to the production of neutrino flares detectable with IceCube, and would be at the detectability
limit for a baryon loading of ⌘p = 0.1.
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particles, and the bulk velocity is so small, that this nonneu-
trality does not pose a problem; the thermal electron current
can easily cancel the cosmic ray current. The steeper slope
of the electron spectrum relative to the proton spectrum is
explained by the importance of radiative losses, and the E2

dependence of synchrotron and inverse Compton radiative
emission rates.

Measurements of cosmic ray composition constrain the-
ories of cosmic ray acceleration and propagation. The abun-
dances of the so-called r-process elements synthesized
during core collapse supernova explosions are close to their
interstellar values. This suggests that while supernovae are a
plausible energy source for cosmic rays, cosmic rays are not
themselves ejected by supernovae. There is a tremendous
overabundance of the light elements; however, 3He, Li, Be,
and B are over-represented in cosmic rays (by 5–7 orders of
magnitude at !1GeV) relative to their interstellar abundan-
ces. The high abundances can be accounted for if cosmic
rays undergo spallation reactions with 3–6 g cm"2 of inter-
stellar material. When the spallation measurements are com-
bined with ratios of unstable to stable isotopic species and
interpreted by standard propagation models,9 the result is a
picture in which cosmic rays reside in the Galaxy for an
energy dependent time which is 1 – 2 # 107 yr at 1GeV and
decreases as a low fractional power of energy.

Because the GeV cosmic ray lifetime is 3–4 orders of mag-
nitude larger than the light travel time across the Galaxy, cosmic
ray confinement must be very good. We can take this further.
Cosmic rays are not primarily confined by the large scale mag-
netic geometry alone, because this would give too little depend-
ence of lifetime on energy. Furthermore, the cosmic ray
acceleration time is much shorter than the cosmic ray lifetime.
Otherwise, the most energetic cosmic rays would also be the
oldest, whereas the decrease in confinement time with energy
implies that the more energetic cosmic rays are younger.

Additional confirmation of good confinement follows
from the observation that the distribution of cosmic ray ar-
rival directions at Earth is isotropic to a few parts in 104 at
GeV energies, with the anisotropy increasing slowly with
energy. This argues that cosmic rays propagate too randomly
to be traced back to their sources (an estimate of the residual
imprint of local sources is given in Ref. 22). However, low
amplitude patches of enhanced and reduced flux have
recently been detected at TeV energies;23–25 they may be sig-
natures of local galactic sources,26 or due to processes in the
heliosphere.27,28

In summary, a variety of data sources, in situ and
remote, have led to a canonical cosmic ray scenario accord-
ing to which cosmic rays are drawn from the pool of thermal
interstellar gas, accelerated in a relatively short amount of
time by a process that favors ions over electrons and propa-
gated diffusively through the interstellar medium with a dif-
fusion coefficient that increases with increasing energy. It
can be inferred from simple random walk arguments that the
ratio of the scattering mean free path k to the size of the sys-
tem is approximately the ratio of the free streaming time to
the confinement time. Thus, k is a few parsecs for cosmic
rays of a few GeV, and the corresponding diffusivity is of
order 1028"29cm2s"1.

In the remainder of this paper, we discuss the physical
basis for this cosmic ray diffusion, and how it couples cos-
mic rays to the ambient medium.

III. FROM KINETIC TO FLUID THEORY

The distribution function f ðx; p; tÞ for any species of
cosmic ray is governed by the Boltzmann equation

@f

@t
þ v # $f þ dp

dt
# $pf ¼

df

dt
jc þ Sðx; p; tÞ; (1)

where

dp

dt
¼ q E þ v ( B

c

! "
(2)

is the usual Lorentz force. The first term on the right hand
side of Eq. (1) accounts for collisional processes such as
spallation reactions and pion production. Collisions are
included in cosmic ray propagation codes such as
GALPROP29 and are essential for comparing cosmic ray
propagation models with data and for predicting radiative
emission by cosmic rays. However, we ignore these terms
here and concentrate on plasma effects. The second term on
the right hand side of Eq. (1) is a source term. For the rea-
sons discussed in Sec. II, the sources are thought to be local-
ized in space and time.

Even if we had an exact model of electromagnetic fields
in the Galaxy, solving Eq. (1) by direct integration of particle
orbits for the bulk population of cosmic rays would be infea-
sible. The gyroradii of GeV cosmic rays are 9–10 orders of
magnitude smaller than the size of the Galaxy, so a prohibi-
tively large dynamic range would be required (deflection of
ultra high energy cosmic rays by the large scale Galactic
magnetic field can be calculated directly, however, Ref. 30).
Therefore, we must resort to statistical treatments, and make
some approximations.

A. Fieldline geometry

Beginning in the 1960 s, the astrophysics and space
physics communities devoted considerable effort to studying
the propagation of test particles in random magnetic
fields31–34 with the goal of relating the spatial spreading of
cosmic rays to statistical descriptions of fieldline wandering.
In the limit that cosmic rays follow the fieldlines, they can
wander perpendicular to the mean magnetic field no faster
than the fieldlines themselves wander with respect to the
mean. Scattering the cosmic rays along the fieldlines reduces
the rate of perpendicular wandering. And, if the magnetic
field varies significantly across a gyroradius, cosmic rays can
cross the exact field, not just the mean field (they also cross
fieldlines due to drifts, but the guiding center drifts vgc asso-
ciated with the global gradients in the Galactic magnetic
field are very slow; vgc=v ! 10"9 " 10"10 for GeV particles).
For short recent reviews of cross field transport, see, e.g.,
Refs. 35 and 36. Issues related to particle transport in sto-
chastic magnetic fields have long been discussed from a lab-
oratory plasma perspective as well.38
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In summary, a variety of data sources, in situ and
remote, have led to a canonical cosmic ray scenario accord-
ing to which cosmic rays are drawn from the pool of thermal
interstellar gas, accelerated in a relatively short amount of
time by a process that favors ions over electrons and propa-
gated diffusively through the interstellar medium with a dif-
fusion coefficient that increases with increasing energy. It
can be inferred from simple random walk arguments that the
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tively large dynamic range would be required (deflection of
ultra high energy cosmic rays by the large scale Galactic
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Therefore, we must resort to statistical treatments, and make
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Beginning in the 1960 s, the astrophysics and space
physics communities devoted considerable effort to studying
the propagation of test particles in random magnetic
fields31–34 with the goal of relating the spatial spreading of
cosmic rays to statistical descriptions of fieldline wandering.
In the limit that cosmic rays follow the fieldlines, they can
wander perpendicular to the mean magnetic field no faster
than the fieldlines themselves wander with respect to the
mean. Scattering the cosmic rays along the fieldlines reduces
the rate of perpendicular wandering. And, if the magnetic
field varies significantly across a gyroradius, cosmic rays can
cross the exact field, not just the mean field (they also cross
fieldlines due to drifts, but the guiding center drifts vgc asso-
ciated with the global gradients in the Galactic magnetic
field are very slow; vgc=v ! 10"9 " 10"10 for GeV particles).
For short recent reviews of cross field transport, see, e.g.,
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particule ultra-relativiste e↵ectue un cycle d’accélération en traversant le choc vers l’aval, en
di↵usant dans le champ magnétique du milieu aval, puis en re-traversant le choc vers l’amont.
Par transformation de Lorentz successives et en écrivant que dans le référentiel du milieu aval,
les énergies à l’entrée et à la sortie sont égales, on obtient :

Ef

Ei

= �2

d
(1 � �d cos ✓!d)(1 + �d cos ✓!u) , (1.6)

où �d est le facteur de Lorentz du milieu aval dans le référentiel du milieu amont, et les autres
quantités sont définies dans la figure 1.4. En moyennant ensuite sur les populations de cos ✓!u

et de cos ✓!d, on peut calculer le gain moyen à chaque cycle.

Figure 1.4 – Représentation d’un cycle d’accélération autour d’un choc magnétisé. Les vitesses �d du milieu

aval et �sh du choc, ainsi que les angles d’entrée dans le milieu aval ✓!d et amont ✓!u sont écrits dans le référentiel

du milieu amont. Ei et Ef désignent l’énergie de la particule dans le référentiel du milieu amont avant et après

la di↵usion en aval. À chaque cycle, la particule a une certaine probabilité de s’échapper en aval, comme nous

l’avons représenté en tirets. (D’après Gallant 2002.)

Lorsque le choc est non relativiste, ces moyennes sont respectivement 2/3 et �2/3, si
bien que l’on a :

 ⌘
�E

E
/ �d . (1.7)

Le processus est d’ordre 1 en �d, et le gain  ne dépend pas de l’énergie. À chaque cycle, la
particule a une probabilité Pesc = �sh = (r/3) �d de s’échapper en aval, où r est défini comme le
rapport des vitesses des milieux aval et amont par rapport au choc. On obtient ainsi un spectre
en loi de puissance d’indice spectral :

↵ =
r + 2
r � 1

. (1.8)

Notons que dans le cas d’un gaz monoatomique et d’un choc “fort” pour lequel la vitesse du
milieu aval est grande par rapport à la vitesse du son, on a r = 4, donc ↵ = 2.

La situation est plus complexe lorsque le choc est relativiste. On peut en e↵et näıvement
calculer que le gain en énergie est de l’ordre de �2

d
pour un cycle, en supposant que cos ✓!d

est distribué de façon isotrope. Mais il a été démontré par Gallant & Achterberg (1999) puis
confirmé par Lemoine & Pelletier (2003) que ceci n’est valable que pour le premier cycle, et

downstream upstream

 energy gain for one cycle (u-d-u):

1st order Fermi acceleration

 2 Lorentz transforms

crossing up—>down crossing down—>up

e.g., Gallant (2002)

 non-relativistic shock (particle distribution isotropic):

 average over the angles to calculate total energy gain4
Nvvµ

4π
NdΩJ

1

0

== ∫

TOTAL FLUX 

µµ µddµNv
ANvµdµP 2

4

)( ==

In the non-relativistic case the particle distribution is, at zeroth order, isotropic 
Therefore: 
 
 
 
 
 
 
The mean value of  the energy change is therefore: 

⇤Eu � E

E
⌅ = �

⇤ 1

0
dµ2µ

⇤ 0

�1
dµ⇥2µ⇥ �⇥2(1 + �µ)(1 � �µ⇥) � 1

⇥
⇥ 4

3
� =

4
3
(u1 � u2)

A FEW IMPORTANT POINTS: 
I.   There#are#no#configuraAons#that#lead#to#losses#

II.   #The#mean#energy#gain#is#now#first#order#in#b#

III.   #The#energy#gain#is#basically#independent#of#any#detail##
#######on#how#parAcles#scaMer#back#and#forth!#

19

particule ultra-relativiste e↵ectue un cycle d’accélération en traversant le choc vers l’aval, en
di↵usant dans le champ magnétique du milieu aval, puis en re-traversant le choc vers l’amont.
Par transformation de Lorentz successives et en écrivant que dans le référentiel du milieu aval,
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la di↵usion en aval. À chaque cycle, la particule a une certaine probabilité de s’échapper en aval, comme nous

l’avons représenté en tirets. (D’après Gallant 2002.)

Lorsque le choc est non relativiste, ces moyennes sont respectivement 2/3 et �2/3, si
bien que l’on a :

 ⌘
�E

E
/ �d . (1.7)

Le processus est d’ordre 1 en �d, et le gain  ne dépend pas de l’énergie. À chaque cycle, la
particule a une probabilité Pesc = �sh = (r/3) �d de s’échapper en aval, où r est défini comme le
rapport des vitesses des milieux aval et amont par rapport au choc. On obtient ainsi un spectre
en loi de puissance d’indice spectral :

↵ =
r + 2
r � 1

. (1.8)

Notons que dans le cas d’un gaz monoatomique et d’un choc “fort” pour lequel la vitesse du
milieu aval est grande par rapport à la vitesse du son, on a r = 4, donc ↵ = 2.

La situation est plus complexe lorsque le choc est relativiste. On peut en e↵et näıvement
calculer que le gain en énergie est de l’ordre de �2

d
pour un cycle, en supposant que cos ✓!d

est distribué de façon isotrope. Mais il a été démontré par Gallant & Achterberg (1999) puis
confirmé par Lemoine & Pelletier (2003) que ceci n’est valable que pour le premier cycle, et

Fermi acceleration in three stepsFermi acceleration in three stepsFermi acceleration in three stepsFermi acceleration in three steps

Step 3: collect the results and average over 
angles (isotropic scattering)

1
2
3

escape

shock rest frame

upstreamdownstream
escaped + accelerated

particles

if isotropic populations: 

…
cycle 1 cycle 19

cycle 2 cycle 3

particle gains energy at each cycle, 
but has a non zero probability of 
escaping from the flow

accelerated population: sum of 
populations escaped at each cycle
⇒⇒⇒⇒ power law spectrum f(E) ∝∝∝∝ E-s

energy gain

escape

M.L. & Pelletier 03

from M. Lemoine  
(Dublin 2011)

Lemoine & Pelletier 03

 relativistic shocks: high gain in principle… but…
e.g., Gallant (2002), Lemoine & Pelletier (2003)
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Successful Fermi acceleration: particle has to return to the shock 

Problem for ultra-relativistic shocks:  
particle entangled in (perp.) B lines downstream and advected away from shock

 23

Lemoine et al. 06 
Pelletier et al. 09

6

Consequence of compressed B field: particle is ‘attached’ to a field line
downstream, hence return probability strongly affected.

Analytical Fermi acceleration at relativistic shock wavesAnalyticalAnalytical Fermi Fermi accelerationacceleration atat relativisticrelativistic shockshock waveswaves

A new analytical approach to Fermi acceleration in ultra-relativistic regime, based
on two hypotheses (M.L., Pelletier, Revenu 06):

Calculation : analytical trajectory to zeroth order in field line curvature …

(1) particle Larmor radius smaller than coherence length of magnetic field
(interstellar B : coherence length ∼∼∼∼ 10-100 pc ≫≫≫≫ typical rL of accelerated
particles)

(2) downstream magnetic field aligned along shock front
(shock jump conditions : compression of Bx and By by factor Γ √8 ≫≫≫≫ 1)

zoom inx

y
z

B (upstream)
B (downstream)

shock front

rL
courtesy: M. Lemoine

Lorentz 
factor

Γsh

Cosmic-ray acceleration at relativistic shocks

lcoh coherence length of small-scale field

Condition for particle to escape from this advection:

8

Condition for successful Fermi accelerationCondition for Condition for successfulsuccessful Fermi Fermi accelerationacceleration

condition under which the noise associated with motion in the small scale
turbulent magnetic field overcomes the ‘classical’ trajectory in the large scale
coherent magnetic field:

rL : Larmor radius in total magnetic field
lcoh coherence length of small scale field

this implies a new upper bound on the maximal Larmor radius:

Application to GRB: 

Condition for successful Fermi accelerationCondition for Condition for successfulsuccessful Fermi Fermi accelerationacceleration

contour plot of
return probability

to upstream

contour plot of
velocity upon exit

from upstream

Modification of the ‘upstream exit’ and ‘downstream return’ distributions for

22 Les rayons cosmiques de très haute énergie : la clé du triptyque

de l’ordre de ⇤conf ⌅ 107 ans. On peut comparer cette luminosité à celle des supernovæ : leur
fréquence dans la Galaxie est de 0.01 par an et l’énergie mécanique libérée en une explosion est
de ESN ⌅ 1051 erg. Ainsi, la luminosité des supernovæ Galactiques est de LSN ⌅ 3⇥ 1041 erg/s.
Il su⇥ra donc d’injecter environ 10% de cette puissance aux rayons cosmiques pour expliquer
leur flux.

Les restes de supernovæ présentent des chocs forts non relativistes à l’interface entre l’en-
veloppe éjectée et le milieu interstellaire, ce qui constitue un site idéal d’accélération de Fermi.
D’après l’équation (1.8), on s’attend donc que des particules soient injectées dans le milieu Ga-
lactique avec un spectre Qinj ⇧ E��, avec � = 2.0 � 2.3. Mais ces particules peuvent aussi
s’échapper de la Galaxie et le spectre à l’équilibre des rayons cosmiques Galactiques JGal peut
se calculer en se plaçant dans le modèle de la “bôıte fuyante” (Leaky Box en anglais). On peut
écrire en e�et, en négligeant les pertes d’énergie par interaction dans le milieu interstellaire :

JGal(E) =
Qinj(E)
⇤esc(E)

. (1.10)

Le temps d’échappement ⇤esc(E) est bien sûr relié au temps de confinement ⇤conf(E) qui peut
être mesuré par des rapports d’abondance d’éléments chimiques 4. Les observations indiquent
que ⇤esc ⇧ E⇥ avec ⇥ ⌅ 0.6. Avec un spectre d’injection en 2.1, on pourrait alors très bien
reproduire l’indice spectral des rayons cosmiques observés avant le genou.

On peut aussi remarquer que ⇤esc dépend du transport des particules, et donc du coe⇥cient
de di�usion dans le champ magnétique Galactique (voir annexe A.1.3). En supposant que la
turbulence magnétique Galactique est de type Kolmogorov, on trouve cette fois ⇥ = 1/3. Un
spectre d’injection toujours raisonnable en � ⌅ 2.35 serait alors nécessaire pour retrouver le flux
des rayons cosmiques observé.

On peut enfin se demander jusqu’à quelle énergie les restes de supernovæ peuvent contribuer
au spectre des rayons cosmiques. Le mécanisme de Fermi ne peut fonctionner que si les particules
restent confinées dans la zone d’accélération. Ce confinement a lieu grâce au champ magnétique
et il faut donc que le rayon de Larmor de la particule soit inférieur à la taille de la source. Le
rayon de Larmor d’une particule d’énergie E et de charge Z dans un milieu de champ magnétique
moyen B s’écrit :

rL = 1.08 MpcZ�1

�
E

1018 eV

⇥ �
B

1 nG

⇥�1

. (1.11)

La condition de confinement dans une source de taille L s’écrit rL ⇤ L et peut se retranscrire
en terme d’énergie de la façon suivante (c’est le critère de Hillas 1984) :

E ⇤ Emax ⌅ 1015 eV ⇥ Z

�
B

1 µG

⇥ �
L

1 pc

⇥
. (1.12)

On a choisi ici les valeurs numériques moyennes pour des restes de supernovæ. Lagage & Cesarsky
(1983) ont e�ectué un calcul plus détaillé en prenant en compte l’évolution des supernovæ, et
montrent que Emax ⌅ 2⇥1014 eV⇥Z (B/1 µG). La prise en compte de l’amplification du champ
magnétique dans le choc par la rétroaction des rayons cosmiques permet d’atteindre au moins
l’énergie du genou pour les protons. Dans tous les cas, l’énergie maximale calculée simplement
en (1.12) est trop proche de celle du genou (pour les protons) pour ne pas y voir une relation.

4. Par exemple, les noyaux de bore (B) étant naturellement peu abondants dans la Galaxie, on estime que

ceux observés sont essentiellement des particules secondaires produites par des noyaux de carbone (C) primaires.

Le rapport B/C indiquera donc le taux d’interaction subi par les primaires et donc la densité de colonne (ou

grammage) traversée. On peut ainsi retrouver leur distance parcourue et leur temps de confinement.

Larmor radius in total magnetic field

micro-turbulence: 
(downstream)

β⊥

Pelletier et al. 09

8

Condition for successful Fermi accelerationCondition for Condition for successfulsuccessful Fermi Fermi accelerationacceleration

condition under which the noise associated with motion in the small scale
turbulent magnetic field overcomes the ‘classical’ trajectory in the large scale
coherent magnetic field:

rL : Larmor radius in total magnetic field
lcoh coherence length of small scale field

this implies a new upper bound on the maximal Larmor radius:

Application to GRB: 

Condition for successful Fermi accelerationCondition for Condition for successfulsuccessful Fermi Fermi accelerationacceleration

contour plot of
return probability

to upstream

contour plot of
velocity upon exit

from upstream

Modification of the ‘upstream exit’ and ‘downstream return’ distributions for

bounds on particle Larmor radius (downstream)

efficient micro-turbulence 
generation needed

lcoh



Particle acceleration in relativistic shocks 
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efficient acceleration: 

(Pelletier+09, ML & Pelletier 10) 

no or partial acceleration  
in limited dynamic range 

acceleration 

PIC simulations 
(Sironi & Spitkovsky 11, Sironi + 13) 

from M. Lemoine  
(APC 2016)
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Cosmic-ray acceleration at relativistic shocks

 Lorentz factor of the shock  

 upstream magnetization 

Notations 
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very low magnetic field needed for upstream penetration 
of supra-thermal particles  
—> significant interaction with incoming plasma  
—> growth of micro-instabilities
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B. Crinquand's Talk 
E. Zweibel's Talk  
J. Mehlhalff's Talk

 Unipolar inductors: (pulsars, rotating BHs) 
rotating magnetic fields —> electric potential established (gaps) where E.B = 0 violated

"Bulk" acceleration ⟨E⟩ ≠ 0

Black Hole mergers: a qualitative model

 comfortable energetics: 
EGW = 3.0+0.5 Msun c2 ∼ 5.4 ×1054 erg per source 
population rate ρBH ∼ 2 − 400 Gpc−3 yr−1  
efficiency < 3% required in UHECRs per event per 
unit of GW energy release 

 heavy composition possible:  
 iron-enriched residual debris around merging BHs

learnt from GW150914

2

Milosavljević & Phinney 2005; O’Neill et al. 2009; Palen-
zuela et al. 2009, 2010; Moesta et al. 2010, 2012; Bode
et al. 2012; Giacomazzo et al. 2012; Gold et al. 2014).
The level of radiative flux generated is however uncer-
tain, and subject to strong variabilities according to pa-
rameters and unknown structural details of the system.
Most models are in line with the original Blandford-

Znajek process (Blandford & Znajek 1977) that extracts
the space-time rotational energy of the BHs to generate a
powerful electromagnetic outflow. The same mechanisms
can be applied to stellar BHs at the cost of rescaling the
BH mass and the magnetic field. A rough estimate of
the Poynting flux can then be derived (Lyutikov 2011)

LBZ =
(GM)3B2

c5R
⇠ 3.2⇥1046 erg s�1 M3

100
B2

11

RS

R
, (1)

whereM is the final black hole mass and B = B11/1011 G
is the strength of the external magnetic field. We have
estimated the orbital radius R as the Schwarzschild ra-
dius RS = 2GM/c2 ⇠ 3.0 ⇥ 107 M100 cm, with M100 ⌘
M/100M�.
The magnetic field within the orbit is commonly esti-

mated by assuming that a fraction ⌘E of the Eddington
luminosity is tapped into magnetic luminosity, yielding

values of B ⇠ 3⇥ 106 GM�1/2
100

⌘1/2
E

(R/RS)�1 (e.g., Lyu-
tikov 2011). Recent simulations demonstrate however
that non-linear e↵ects should amplify this field by up to
2 orders of magnitude (Giacomazzo et al. 2012). One
could also invoke an ↵!-dynamo process as for pulsars
and magnetars, that would generate fields of strength
B ⇠ 1012 G(P/300ms)�1, with P the spin period of the
system (Thompson & Duncan 1993; Xu et al. 2002). The
seed fields could be anchored to the remains of the accre-
tion disk, the existence of which is proposed for example
in Perna et al. (2016), that should rotate with period
P ⇠ 1 � 10 s, leading to a dynamo-generated field of
B & 1010 G.
A stringent lower limit on the luminosity of any astro-

physical outflow can be placed as a necessary condition
to accelerate particles to energy E (Lemoine & Wax-
man 2009): L > 1045(E/1020 eV)2Z�2 erg s�1, with Z
the charge number of the particle. For a proton com-
position, this implies that the sources have to be ex-
ceptionally bright. Equation (1) suggests that a system
like GW150914 should have su�cient power to acceler-
ate particles up to the highest energies, as long as the
magnetic field within the orbit can be B & 1011 G.

3. A TRANSIENT CANDIDATE SOURCE FOR UHECRS

Above E > 1019 eV, the observed cosmic-ray flux
constrains the source population energy budget to
EUHECR ⇢0 = 1044.5 ergMpc�3 yr�1, requiring that each
individual source supplies an energy

EUHECR & 3.2⇥ 1053 erg

✓
⇢0

1Gpc�3 yr�1

◆�1

, (2)

with ⇢0 the source population rate at redshift z = 0.
This budget is not easily reached by most astrophysi-
cal populations. For BH mergers, the rates inferred by
LIGO (Abbott et al. 2016b) imply EUHECR & 7.9 ⇥
1050 erg (⇢0/400Gpc�3 yr�1)�1 and EUHECR & 1.6 ⇥
1053 erg (⇢0/2Gpc�3 yr�1)�1, for the upper and lower
rate limits respectively. Such energies represent a frac-
tion of < 3% of the energy released in gravitational waves

by GW150914 (Egw ⇠ 3.0M�c2 ⇠ 5.4 ⇥ 1054 erg s�1).
To achieve such energies, the system would be required
to supply a luminosity LBZ (Eq. 1) for time spans of 7
hours to 2 months. These durations constitute a comfort-
able fraction of the typical Blandford-Znajek timescale
tBZ = Mc2/LBZ ⇠ 22M100B

�2

11
(RS/R)2 yr. However,

the Blandford-Znajek process would be maintained only
as long as the black hole accretes after the merger. The
relatively long disk accretion time needed by our model
is best explained if the disk is sourced by tidal disruption
of asteroids or planets. We note that the tidal radius for
such a body of massm�18 ⌘ m/10�18 M� and size rkm ⌘
r/1 km is about rt ⇠ 4⇥ 1011 cm (M100/mc)1/3rkm. The
orbital period for the debris is of order a day. Such dis-
ruptions are plausibly triggered by merger-perturbed or-
bits of residual asteroid clouds surrounding either or both
of the merging black holes.
The absence of multiplets, namely cosmic ray events

arriving with little angular separation in the sky, can
be used to constrain the apparent number density of
sources to n0 > 10�5 Mpc�3, even if particles are de-
flected to ⇠ 30� (Abreu et al. 2013). The low density
of steady candidates: clusters of galaxies (10�6 Mpc�3),
FRI-type (10�5 Mpc�3), and FRII-type radio-galaxies
(10�8 Mpc�3) is not compatible with these observations.
For transient sources, on the other hand, the apparent n0

and real ⇢0 number densities of proton UHECR sources
are related via the cosmic ray arrival time spread �t due
to magnetic fields: ⇢0 ⇠ n0/�t (Murase & Takami 2009).
The time spread is of order �t ⇠ 104 yrs for a 1� deflec-
tion over 100Mpc, and even rare transient events (e.g.,
⇢0 = 1Gpc�3yr�1) could mimic a rather dense popu-
lation. The rates inferred by the LIGO observations for
BH mergers are thus compatible with these observations.
Note that the time delay due to the magnetic deflec-

tions will prevent us from observing UHECRs in corre-
lation with the gravitational wave counterpart of a BH
merger (this is valid for any transient source). The only
direct evidence of an association between UHECRs and
BH mergers can be obtained by the observation of gravi-
tational waves in coincidence with high-energy neutrinos
or FRBs, as discussed below.
The statistically significant cosmic-ray excess above en-

ergy 5.7⇥ 1019 eV reported by the Telescope Array (TA)
within a 20� radius circle centered at (R.A. = 146.7,
Dec. = 43.2) (Abbasi et al. 2014) can also be best accom-
modated with a transient source, due to the absence of
powerful source observed in the direction of this hotspot
(Renault-Tinacci et al. 2016). This BH merger scenario
would be well-suited to account for this observation.
The chemical composition of cosmic rays reported by

the Auger Observatory is not compatible with a light
composition at the highest energies (The Pierre Auger
Collaboration et al. 2013; Aab et al. 2014a,b). The Tele-
scope Array results seem to show the same trend within
systematics (Tameda et al. 2011; Pierog 2013; Telescope
Array et al. 2013). BH mergers stem from the core of
massive stars and hence should be surrounded by metal-
rich debris from before their collapse. These systems
should thus o↵er a favorable site to produce and acceler-
ate heavy nuclei.

4. ASSOCIATED NEUTRINO FLUXES

2

Milosavljević & Phinney 2005; O’Neill et al. 2009; Palen-
zuela et al. 2009, 2010; Moesta et al. 2010, 2012; Bode
et al. 2012; Giacomazzo et al. 2012; Gold et al. 2014).
The level of radiative flux generated is however uncer-
tain, and subject to strong variabilities according to pa-
rameters and unknown structural details of the system.
Most models are in line with the original Blandford-

Znajek process (Blandford & Znajek 1977) that extracts
the space-time rotational energy of the BHs to generate a
powerful electromagnetic outflow. The same mechanisms
can be applied to stellar BHs at the cost of rescaling the
BH mass and the magnetic field. A rough estimate of
the Poynting flux can then be derived (Lyutikov 2011)
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where M is the final black hole mass and B = B11/1011 G
is the strength of the external magnetic field. We have
estimated the orbital radius R as the Schwarzschild ra-
dius RS = 2GM/c2 ⇠ 3.0 ⇥ 107 M100 cm, with M100 ⌘
M/100M�.
The magnetic field within the orbit is commonly esti-

mated by assuming that a fraction ⌘E of the Eddington
luminosity is tapped into magnetic luminosity, yielding

values of B ⇠ 3⇥ 106 GM�1/2
100

⌘1/2
E

(R/RS)�1 (e.g., Lyu-
tikov 2011). Recent simulations demonstrate however
that non-linear e↵ects should amplify this field by up to
2 orders of magnitude (Giacomazzo et al. 2012). One
could also invoke an ↵!-dynamo process as for pulsars
and magnetars, that would generate fields of strength
B ⇠ 1012 G(P/300ms)�1, with P the spin period of the
system (Thompson & Duncan 1993; Xu et al. 2002). The
seed fields could be anchored to the remains of the accre-
tion disk, the existence of which is proposed for example
in Perna et al. (2016), that should rotate with period
P ⇠ 1 � 10 s, leading to a dynamo-generated field of
B & 1010 G.
A stringent lower limit on the luminosity of any astro-

physical outflow can be placed as a necessary condition
to accelerate particles to energy E (Lemoine & Wax-
man 2009): L > 1045(E/1020 eV)2Z�2 erg s�1, with Z
the charge number of the particle. For a proton com-
position, this implies that the sources have to be ex-
ceptionally bright. Equation (1) suggests that a system
like GW150914 should have su�cient power to acceler-
ate particles up to the highest energies, as long as the
magnetic field within the orbit can be B & 1011 G.

3. A TRANSIENT CANDIDATE SOURCE FOR UHECRS

Above E > 1019 eV, the observed cosmic-ray flux
constrains the source population energy budget to
EUHECR ⇢0 = 1044.5 ergMpc�3 yr�1, requiring that each
individual source supplies an energy

EUHECR & 3.2⇥ 1053 erg
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with ⇢0 the source population rate at redshift z = 0.
This budget is not easily reached by most astrophysi-
cal populations. For BH mergers, the rates inferred by
LIGO (Abbott et al. 2016b) imply EUHECR & 7.9 ⇥
1050 erg (⇢0/400Gpc�3 yr�1)�1 and EUHECR & 1.6 ⇥
1053 erg (⇢0/2Gpc�3 yr�1)�1, for the upper and lower
rate limits respectively. Such energies represent a frac-
tion of < 3% of the energy released in gravitational waves

by GW150914 (Egw ⇠ 3.0M�c2 ⇠ 5.4 ⇥ 1054 erg s�1).
To achieve such energies, the system would be required
to supply a luminosity LBZ (Eq. 1) for time spans of 7
hours to 2 months. These durations constitute a comfort-
able fraction of the typical Blandford-Znajek timescale
tBZ = Mc2/LBZ ⇠ 22M100B�2

11
(RS/R)2 yr. However,

the Blandford-Znajek process would be maintained only
as long as the black hole accretes after the merger. The
relatively long disk accretion time needed by our model
is best explained if the disk is sourced by tidal disruption
of asteroids or planets. We note that the tidal radius for
such a body of mass m�18 ⌘ m/10�18 M� and size rkm ⌘
r/1 km is about rt ⇠ 4⇥ 1011 cm (M100/mc)1/3rkm. The
orbital period for the debris is of order a day. Such dis-
ruptions are plausibly triggered by merger-perturbed or-
bits of residual asteroid clouds surrounding either or both
of the merging black holes.
The absence of multiplets, namely cosmic ray events

arriving with little angular separation in the sky, can
be used to constrain the apparent number density of
sources to n0 > 10�5 Mpc�3, even if particles are de-
flected to ⇠ 30� (Abreu et al. 2013). The low density
of steady candidates: clusters of galaxies (10�6 Mpc�3),
FRI-type (10�5 Mpc�3), and FRII-type radio-galaxies
(10�8 Mpc�3) is not compatible with these observations.
For transient sources, on the other hand, the apparent n0

and real ⇢0 number densities of proton UHECR sources
are related via the cosmic ray arrival time spread �t due
to magnetic fields: ⇢0 ⇠ n0/�t (Murase & Takami 2009).
The time spread is of order �t ⇠ 104 yrs for a 1� deflec-
tion over 100Mpc, and even rare transient events (e.g.,
⇢0 = 1Gpc�3yr�1) could mimic a rather dense popu-
lation. The rates inferred by the LIGO observations for
BH mergers are thus compatible with these observations.
Note that the time delay due to the magnetic deflec-

tions will prevent us from observing UHECRs in corre-
lation with the gravitational wave counterpart of a BH
merger (this is valid for any transient source). The only
direct evidence of an association between UHECRs and
BH mergers can be obtained by the observation of gravi-
tational waves in coincidence with high-energy neutrinos
or FRBs, as discussed below.
The statistically significant cosmic-ray excess above en-

ergy 5.7⇥ 1019 eV reported by the Telescope Array (TA)
within a 20� radius circle centered at (R.A. = 146.7,
Dec. = 43.2) (Abbasi et al. 2014) can also be best accom-
modated with a transient source, due to the absence of
powerful source observed in the direction of this hotspot
(Renault-Tinacci et al. 2016). This BH merger scenario
would be well-suited to account for this observation.
The chemical composition of cosmic rays reported by

the Auger Observatory is not compatible with a light
composition at the highest energies (The Pierre Auger
Collaboration et al. 2013; Aab et al. 2014a,b). The Tele-
scope Array results seem to show the same trend within
systematics (Tameda et al. 2011; Pierog 2013; Telescope
Array et al. 2013). BH mergers stem from the core of
massive stars and hence should be surrounded by metal-
rich debris from before their collapse. These systems
should thus o↵er a favorable site to produce and acceler-
ate heavy nuclei.

4. ASSOCIATED NEUTRINO FLUXES

 magnetic field strength via αω-dynamo

2

Milosavljević & Phinney 2005; O’Neill et al. 2009; Palen-
zuela et al. 2009, 2010; Moesta et al. 2010, 2012; Bode
et al. 2012; Giacomazzo et al. 2012; Gold et al. 2014).
The level of radiative flux generated is however uncer-
tain, and subject to strong variabilities according to pa-
rameters and unknown structural details of the system.
Most models are in line with the original Blandford-

Znajek process (Blandford & Znajek 1977) that extracts
the space-time rotational energy of the BHs to generate a
powerful electromagnetic outflow. The same mechanisms
can be applied to stellar BHs at the cost of rescaling the
BH mass and the magnetic field. A rough estimate of
the Poynting flux can then be derived (Lyutikov 2011)

LBZ =
(GM)3B2

c5R
⇠ 3.2⇥1046 erg s�1 M3

100
B2

11

RS

R
, (1)

where M is the final black hole mass and B = B11/1011 G
is the strength of the external magnetic field. We have
estimated the orbital radius R as the Schwarzschild ra-
dius RS = 2GM/c2 ⇠ 3.0 ⇥ 107 M100 cm, with M100 ⌘
M/100M�.
The magnetic field within the orbit is commonly esti-

mated by assuming that a fraction ⌘E of the Eddington
luminosity is tapped into magnetic luminosity, yielding

values of B ⇠ 3⇥ 106 GM�1/2
100

⌘1/2
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(R/RS)�1 (e.g., Lyu-
tikov 2011). Recent simulations demonstrate however
that non-linear e↵ects should amplify this field by up to
2 orders of magnitude (Giacomazzo et al. 2012). One
could also invoke an ↵!-dynamo process as for pulsars
and magnetars, that would generate fields of strength
B ⇠ 1012 G(P/300ms)�1, with P the spin period of the
system (Thompson & Duncan 1993; Xu et al. 2002). The
seed fields could be anchored to the remains of the accre-
tion disk, the existence of which is proposed for example
in Perna et al. (2016), that should rotate with period
P ⇠ 1 � 10 s, leading to a dynamo-generated field of
B & 1010 G.
A stringent lower limit on the luminosity of any astro-

physical outflow can be placed as a necessary condition
to accelerate particles to energy E (Lemoine & Wax-
man 2009): L > 1045(E/1020 eV)2Z�2 erg s�1, with Z
the charge number of the particle. For a proton com-
position, this implies that the sources have to be ex-
ceptionally bright. Equation (1) suggests that a system
like GW150914 should have su�cient power to acceler-
ate particles up to the highest energies, as long as the
magnetic field within the orbit can be B & 1011 G.

3. A TRANSIENT CANDIDATE SOURCE FOR UHECRS

Above E > 1019 eV, the observed cosmic-ray flux
constrains the source population energy budget to
EUHECR ⇢0 = 1044.5 ergMpc�3 yr�1, requiring that each
individual source supplies an energy

EUHECR & 3.2⇥ 1053 erg

✓
⇢0

1Gpc�3 yr�1
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with ⇢0 the source population rate at redshift z = 0.
This budget is not easily reached by most astrophysi-
cal populations. For BH mergers, the rates inferred by
LIGO (Abbott et al. 2016b) imply EUHECR & 7.9 ⇥
1050 erg (⇢0/400Gpc�3 yr�1)�1 and EUHECR & 1.6 ⇥
1053 erg (⇢0/2Gpc�3 yr�1)�1, for the upper and lower
rate limits respectively. Such energies represent a frac-
tion of < 3% of the energy released in gravitational waves

by GW150914 (Egw ⇠ 3.0M�c2 ⇠ 5.4 ⇥ 1054 erg s�1).
To achieve such energies, the system would be required
to supply a luminosity LBZ (Eq. 1) for time spans of 7
hours to 2 months. These durations constitute a comfort-
able fraction of the typical Blandford-Znajek timescale
tBZ = Mc2/LBZ ⇠ 22M100B�2

11
(RS/R)2 yr. However,

the Blandford-Znajek process would be maintained only
as long as the black hole accretes after the merger. The
relatively long disk accretion time needed by our model
is best explained if the disk is sourced by tidal disruption
of asteroids or planets. We note that the tidal radius for
such a body of mass m�18 ⌘ m/10�18 M� and size rkm ⌘
r/1 km is about rt ⇠ 4⇥ 1011 cm (M100/mc)1/3rkm. The
orbital period for the debris is of order a day. Such dis-
ruptions are plausibly triggered by merger-perturbed or-
bits of residual asteroid clouds surrounding either or both
of the merging black holes.
The absence of multiplets, namely cosmic ray events

arriving with little angular separation in the sky, can
be used to constrain the apparent number density of
sources to n0 > 10�5 Mpc�3, even if particles are de-
flected to ⇠ 30� (Abreu et al. 2013). The low density
of steady candidates: clusters of galaxies (10�6 Mpc�3),
FRI-type (10�5 Mpc�3), and FRII-type radio-galaxies
(10�8 Mpc�3) is not compatible with these observations.
For transient sources, on the other hand, the apparent n0

and real ⇢0 number densities of proton UHECR sources
are related via the cosmic ray arrival time spread �t due
to magnetic fields: ⇢0 ⇠ n0/�t (Murase & Takami 2009).
The time spread is of order �t ⇠ 104 yrs for a 1� deflec-
tion over 100Mpc, and even rare transient events (e.g.,
⇢0 = 1Gpc�3yr�1) could mimic a rather dense popu-
lation. The rates inferred by the LIGO observations for
BH mergers are thus compatible with these observations.
Note that the time delay due to the magnetic deflec-

tions will prevent us from observing UHECRs in corre-
lation with the gravitational wave counterpart of a BH
merger (this is valid for any transient source). The only
direct evidence of an association between UHECRs and
BH mergers can be obtained by the observation of gravi-
tational waves in coincidence with high-energy neutrinos
or FRBs, as discussed below.
The statistically significant cosmic-ray excess above en-

ergy 5.7⇥ 1019 eV reported by the Telescope Array (TA)
within a 20� radius circle centered at (R.A. = 146.7,
Dec. = 43.2) (Abbasi et al. 2014) can also be best accom-
modated with a transient source, due to the absence of
powerful source observed in the direction of this hotspot
(Renault-Tinacci et al. 2016). This BH merger scenario
would be well-suited to account for this observation.
The chemical composition of cosmic rays reported by

the Auger Observatory is not compatible with a light
composition at the highest energies (The Pierre Auger
Collaboration et al. 2013; Aab et al. 2014a,b). The Tele-
scope Array results seem to show the same trend within
systematics (Tameda et al. 2011; Pierog 2013; Telescope
Array et al. 2013). BH mergers stem from the core of
massive stars and hence should be surrounded by metal-
rich debris from before their collapse. These systems
should thus o↵er a favorable site to produce and acceler-
ate heavy nuclei.

4. ASSOCIATED NEUTRINO FLUXES
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Milosavljević & Phinney 2005; O’Neill et al. 2009; Palen-
zuela et al. 2009, 2010; Moesta et al. 2010, 2012; Bode
et al. 2012; Giacomazzo et al. 2012; Gold et al. 2014).
The level of radiative flux generated is however uncer-
tain, and subject to strong variabilities according to pa-
rameters and unknown structural details of the system.
Most models are in line with the original Blandford-

Znajek process (Blandford & Znajek 1977) that extracts
the space-time rotational energy of the BHs to generate a
powerful electromagnetic outflow. The same mechanisms
can be applied to stellar BHs at the cost of rescaling the
BH mass and the magnetic field. A rough estimate of
the Poynting flux can then be derived (Lyutikov 2011)
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the charge number of the particle. For a proton com-
position, this implies that the sources have to be ex-
ceptionally bright. Equation (1) suggests that a system
like GW150914 should have su�cient power to acceler-
ate particles up to the highest energies, as long as the
magnetic field within the orbit can be B & 1011 G.
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with ⇢0 the source population rate at redshift z = 0.
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sources to n0 > 10�5 Mpc�3, even if particles are de-
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lation. The rates inferred by the LIGO observations for
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Note that the time delay due to the magnetic deflec-

tions will prevent us from observing UHECRs in corre-
lation with the gravitational wave counterpart of a BH
merger (this is valid for any transient source). The only
direct evidence of an association between UHECRs and
BH mergers can be obtained by the observation of gravi-
tational waves in coincidence with high-energy neutrinos
or FRBs, as discussed below.
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modated with a transient source, due to the absence of
powerful source observed in the direction of this hotspot
(Renault-Tinacci et al. 2016). This BH merger scenario
would be well-suited to account for this observation.
The chemical composition of cosmic rays reported by

the Auger Observatory is not compatible with a light
composition at the highest energies (The Pierre Auger
Collaboration et al. 2013; Aab et al. 2014a,b). The Tele-
scope Array results seem to show the same trend within
systematics (Tameda et al. 2011; Pierog 2013; Telescope
Array et al. 2013). BH mergers stem from the core of
massive stars and hence should be surrounded by metal-
rich debris from before their collapse. These systems
should thus o↵er a favorable site to produce and acceler-
ate heavy nuclei.
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man 2009): L > 1045(E/1020 eV)2Z�2 erg s�1, with Z
the charge number of the particle. For a proton com-
position, this implies that the sources have to be ex-
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like GW150914 should have su�cient power to acceler-
ate particles up to the highest energies, as long as the
magnetic field within the orbit can be B & 1011 G.
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This budget is not easily reached by most astrophysi-
cal populations. For BH mergers, the rates inferred by
LIGO (Abbott et al. 2016b) imply EUHECR & 7.9 ⇥
1050 erg (⇢0/400Gpc�3 yr�1)�1 and EUHECR & 1.6 ⇥
1053 erg (⇢0/2Gpc�3 yr�1)�1, for the upper and lower
rate limits respectively. Such energies represent a frac-
tion of < 3% of the energy released in gravitational waves

by GW150914 (Egw ⇠ 3.0M�c2 ⇠ 5.4 ⇥ 1054 erg s�1).
To achieve such energies, the system would be required
to supply a luminosity LBZ (Eq. 1) for time spans of 7
hours to 2 months. These durations constitute a comfort-
able fraction of the typical Blandford-Znajek timescale
tBZ = Mc2/LBZ ⇠ 22M100B�2

11
(RS/R)2 yr. However,

the Blandford-Znajek process would be maintained only
as long as the black hole accretes after the merger. The
relatively long disk accretion time needed by our model
is best explained if the disk is sourced by tidal disruption
of asteroids or planets. We note that the tidal radius for
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and real ⇢0 number densities of proton UHECR sources
are related via the cosmic ray arrival time spread �t due
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The time spread is of order �t ⇠ 104 yrs for a 1� deflec-
tion over 100Mpc, and even rare transient events (e.g.,
⇢0 = 1Gpc�3yr�1) could mimic a rather dense popu-
lation. The rates inferred by the LIGO observations for
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Note that the time delay due to the magnetic deflec-

tions will prevent us from observing UHECRs in corre-
lation with the gravitational wave counterpart of a BH
merger (this is valid for any transient source). The only
direct evidence of an association between UHECRs and
BH mergers can be obtained by the observation of gravi-
tational waves in coincidence with high-energy neutrinos
or FRBs, as discussed below.
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Dec. = 43.2) (Abbasi et al. 2014) can also be best accom-
modated with a transient source, due to the absence of
powerful source observed in the direction of this hotspot
(Renault-Tinacci et al. 2016). This BH merger scenario
would be well-suited to account for this observation.
The chemical composition of cosmic rays reported by

the Auger Observatory is not compatible with a light
composition at the highest energies (The Pierre Auger
Collaboration et al. 2013; Aab et al. 2014a,b). The Tele-
scope Array results seem to show the same trend within
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massive stars and hence should be surrounded by metal-
rich debris from before their collapse. These systems
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 BZ timescale (as long as BH accretes 
after merger - sourced by debris)

 luminosity has to last for 7 hours to 2 months 
 to reach EUHECR

accretion to source BZ long enough,  
disk to anchor fields and do αω-dynamo 
to generate strong magnetic field

spin

debris tidal disruption of  
asteroids or planets
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Connection with GW observations
KK & Silk 2016

 Reconnection: (magnetospheres of pulsars, rotating BHs…)  
local merging of magnetic fields —> local electric field E~LB (L=size of reconnection region)



end of life of massive stars
collapse of core --> neutron star or black hole
explosion --> supernova

 neutron star 
 fast rotation, period P 
 strong magnetic field B 
 spins down by electromagnetic losses

Pulsar characteristics see B. Cerutti's talk
F. Cruz's talk
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maximum energy:

fraction of luminosity into 
particle kinetic energy 

mass number. At later times, as the wind cools and
becomes relativistic, the neutrino heating e�ciency
drops, shutting o↵ the r-process. It is thus unlikely
that this channel can seed heavy nuclei in the wind
in our framework.

3.2.2. Maximum acceleration energy

The acceleration mechanism of cosmic rays up to
ultrahigh energies in neutron stars or their environ-
ments is the main weakness of this source scenario.
A toy model presented in Appendix B can help to
get some hints on the problems.

Our poor knowledge of the neutron star magneto-
spheres, winds, nebulae and termination shocks (at
the interface between the wind and the surrounding
supernova ejecta) is central to the di�culties en-
countered in building a detailed acceleration model,
consistent with the observations and the leptonic
emission counterparts. The radiation due to pairs
itself is challenging to explain, and despite an in-
creasing experimental and theoretical e↵ort been
put to understand the working of neutron star out-
flows and nebular emissions, the community is still
struggling to solve fundamental problems (see e.g.,
reviews by Arons 2002; Kirk et al. 2009), such as how
and where pairs are been accelerated, or the related
so-called �-problem (how to reconcile the very high
level of magnetization � of the wind close to the light
cylinder, with the low level inferred from leptonic
emission observations downstream of the termina-
tion shock). How exactly pairs are being accelerated
remains also an unknown. One theory is that Fermi-
type processes takes place at the termination shock
and boosts to higher energies the particles already
accelerated to a high Lorentz factor in the wind, via
reconnection for example (Sironi & Spitkovsky 2011).

One certainty however is that neutron stars spin
down, and subsequently, their rotational energy is
channelled via their winds towards the outer medium.
We assume that, as the observations suggest for
the Crab pulsar, that the electromagnetic luminos-
ity, Lw, is e�ciently converted into kinetic luminos-
ity, Ṅmc

2 ⌘ ṄGJ
�
mic

2 + 2mec
2
�

(with ṄGJ the
Goldreich-Julian charge density, Eq. B.6, Goldre-
ich & Julian 1969, mi = Amp the ion mass and 

the pair multiplicity), e.g., at the termination shock
(Lyubarsky 2003). Particles can then reach a Lorentz
factor of

�diss. ' 1
1 + �PWN

Lw

Ṅmc2
(3.1)

' 1.8 ⇥ 109

(1 + �PWN) (1 + xi)

�1
4 P

�2
�3 B13R

3
?,6 .

where B is the dipole magnetic field strength of the
star, R? its radius and xi ⌘ mi/ (2me) the ratio
between the energy carried by the ions to that carried
by pairs (Lemoine et al. in prep.). If ions of charge Zi

are injected at a rate ṄGJ/Zi, xi ⌘ mi/ (2Zime),
so that xi . 1 for  & 103.

The magnetization parameter �PWN relates the
Poynting flux to the matter energy flux downstream
of the termination shock; in the comoving wind frame,
it is defined as �PWN ⌘ B

2
PWN/

�
4⇡nmc

2
�
, with

nmc
2 ⌘ nimic

2 + 2nemec
2 the rest mass energy

density, B
2
PWN/4⇡ the electromagnetic energy den-

sity downstream of the shock,  defining the multi-
plicity factor for pairs achieved through pair cascade
in the magnetosphere2.

According to the value of , that can range between
10 � 108 in theory (a highly debated quantity, see
e.g., Kirk et al. 2009), the energy conversion can be
e�cient enough to enable protons to reach energies
at neutron-star birth

E0 ⇠ 1.5 ⇥ 1020 eVA56 ⌘ 
�1
4 P

�2
i,�3B13R

3
?,6 , (3.2)

assuming xi ⌧ 1 and where we have noted ⌘  1
the luminosity conversion e�ciency. In the case
when the conversion is not fully e�cient, stochastic
types of acceleration could take place at the shock to
further push the maximum acceleration energy to the
confinement limit �conf = ZeBPWNRPWN/(Ampc

2)
(where BPWN and RPWN represent respectively the
pulsar wind nebula magnetic field and radius), which
can reach values > 1011 over the spin-down timescale
for neutron stars with parameters B & 1012 G and
initial rotation period Pi ⇠ 1ms (Lemoine et al. in
prep.).

Note that the maximum acceleration energy in
Eq. (3.2) scales as the mass number A, while for
a unipolar induction toy-model described in Ap-
pendix B (Eq. B.4), the scaling goes as Z. The
calculations performed in Section 3.3 and Chapter 4
were done prior to the acceleration study described in
this section, and therefore are based on the energies
given by the toy model (Eq. B.4). For a standard
multiplicity 4, one notices however that the two
energies di↵er only of a factor of A/Z ⇠ 2. The
di↵erence also stems from the acceleration e�ciency
being taken as ⌘ = 0.1 in Section 3.3, while a full
e�ciency is assumed here.

2We have implicitly assumed a cold MHD wind, composed of
e+�e� pairs of proper density ne with a small admixture
of ions, of proper density ni.
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Electron-positron pairs are injected into the nebula with a minimum Lorentz factor �0.
As we will discuss in the following, this Lorentz factor provides the crucial parameter which
delimits the parameter space where msec PWNe can produce ultra-high energy cosmic rays.
Here, we treat it as a parameter in order to remain general, and we will make contact with
more specific models in Sec. 3. Nevertheless, one can note that for well-known PWNe, the
mean Lorentz factor h�i ⇠ 106, hence we use 106 as a fiducial value. More generally, �0 is
bounded by below by the bulk Lorentz factor of the wind at the termination shock, �w, and
by above by the Lorentz factor corresponding to full dissipation of the Poynting flux into
particle kinetic energy:

�M ' Lp

Ṅmc2
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L1/2

p,45
�1

4

' 3.5 ⇥ 109

1 + xi
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B?,13R

3
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in you expression for �M there is no explicit reference to �. To make you wording clear
you could write �M = �w (1 + �), so (1 + �) can be interpreted as the “bulk Lorentz factor
of the electromagnetic part“ Here, xi ⌘ mi/ (2me) denotes the ratio of energy carried
by the ions relatively to that carried by the pairs; assuming that the ions are protons,
xi . 1 for  & 103. The particle rest mass power injected into the nebula is written here:
Ṅmc2 ⌘ ṄGJ

�
mic2 + 2mec2

�
, with ṄGJ = B?R3

?⌦2/(Ze↵ec) the Goldreich-Julian density,
where Ze↵ is the e↵ective plasma charge. explain the notion of e↵ective plasma charge.

A reference value for the wind Lorentz factor �w can be derived as follows. We assume
that wind acceleration proceeds e�ciently in the resistive MHD regime or any other regime
allowing acceleration, as along as �(r) is smaller than the fast-magnetosonic value

p
�, and

that acceleration stalls beyond that point (e.g. [41]): �2
w = �. Then, expressing the magne-

tization � as the ratio between the electromagnetic luminosity of the wind, and the energy
injected into particles, � ' �M/�w, one obtains

�w =
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4
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2/3

�3
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note: the above assumes that the fraction of wind luminosity that is not
transferred to pairs because of radiative losses is transferred to radiation and
not to protons

In the case of the Crab nebula, the inference of a low or moderate value of � down-
stream of the termination shock suggests that indeed, most of the wind luminosity has been
dissipated into particle energy flux. If dissipation is as e�cient in the msec PWNe, then �0 is
determined by this conversion, although one must now take into account energy losses during
dissipation, which would limit its value to the radiation reaction limit
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Lemoine, KK, Pétri 2016

pulsar luminosity
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Blasi et al. 00, Arons 03,
Lemoine, KK, Pétri 2016
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locity

vej = vSN =

„
2

Eej

Mej

«1/2

⇤ 4.5 � 108 cm s�1 E1/2
ej,51M

�1/2
ej,5 ,

(1)
where Mej,5 ⇥ Mej/5 M⇤. After a few expansion timescales
tex = Rej,i/vSN, where Rej,i is the radius of the star that
led to the explosion, the ejecta enters into a stage of
homologous expansion where its size scales as R = vejt and
its internal energy as Eint(t) ⇤ (Eej/2)(tex/t).

The ejecta is first optically thick to electron scattering.
Noting � and ⇤ the opacity and density of the supernova
envelope, one can estimate the optical depth of the ejecta:
⌅ = R�⇤. Assuming a constant central supernova density
profile (see Matzner & McKee 1999 and Chevalier 2005 for
more detailed modeling of the interior structure of super-
novae) ⇤ = 3Mej/(4⇥R3), one can define the e⇥ective di⇥u-
sion time (for thermal photons to cross the ejecta):

td ⇥
„

Mej�
4⇥vejc

«1/2

(2)

⇤ 1.6 � 106 s M1/2
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2 � 109 cm s�1
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, (3)

with the opacity to electron scattering defined as
�0.2 ⇥ �/(0.2 g�1 cm

2
) for thermal photons. This sets

the timescale of the supernova light curve, under the
assumption that the opacity remains constant throughout
the ejecta (no ionization e⇥ect), and in the absence of
pulsar or 56Ni heating. For more detailed computation of
the these timescales, see, e.g., Kasen & Woosley (2009).

As the ejecta expands, it reaches a time tthin when it
becomes optically thin to electron scattering, for thermal
photons (⌅ = 1):

tthin =

„
3Mej�
4⇥v2

ej

«1/2

⇤ 1.9 � 107 s

„
vej

2 � 109 cm s�1

«
. (4)

For the numerical estimates of vej, we are using the final
velocity of the ejecta after its modification by the shock at
the interface between the pulsar wind and the initial ejecta,
for Eej,51, Mej,5, and Pi = 10�3 s (see Eq. 8 in Section 2.2).

The pulsar spins down by electromagnetic energy losses
that is transferred to the surrounding environment. The de-
position of this energy happens over the spin-down timescale
of the pulsar (Shapiro & Teukolsky 1983):

tp =
9Ic3

2B2R6
⇥�2

i

⇤ 3.1 � 107 s I45B
�2
13 R�6

⇥,6P
2
i,�3 . (5)

We will consider two regimes for the calculation of ra-
diative emissions from the ejecta: optically thin (t > tthin),
and optically thick (t < tthin) for thermal photons. The de-
position of pulsar rotational energy will have di⇥erent e⇥ects
on the supernova radiative emissions according to the opti-
cal depth of the ejecta at time tp.

2.2 Characteristics of the supernova ejecta and of
the embedded pulsar wind nebula

The interaction between the pulsar wind and the supernova
ejecta leads to the formation of the following structures, il-
lustrated in Fig. 1: a forward shock at the interface of the

pulsar

contact
discontinuity

forward 
shock

reverse shock
termination shock

blast (at rest)
pulsar wind nebula

cold 
SN ejecta

relativistic
pulsar wind

Figure 1. Scheme of the structures created by the interaction
between the pulsar wind and the SN ejecta in the blast rest mass
frame.

shocked and unshocked ejecta, and a reverse shock at the
interface between the shocked and unshocked wind (clas-
sically called “termination shock”). The shocked material
between the forward and the reverse shock constitutes the
pulsar wind nebula (PWN, e.g., Chevalier 1977; Chevalier
& Fransson 1992; Gaensler & Slane 2006).

The pulsar wind carries a total energy:

Ep =
I�2

i

2
⇤ 1.9 � 1052 erg I45P

2
i,�3 , (6)

and injects a luminosity (Shapiro & Teukolsky 1983)

Lp(t) =
Ep

tp

1
(1 + t/tp)2

. (7)

into the cold supernova ejecta. The evolution of the pul-
sar luminosity over time, for magnetic dipole spin-down, is
represented in Fig. 4.

The characteristic velocity of the ejecta is not a⇥ected
by the pulsar wind nebula expansion if Ep ⌅ Eej. How-
ever, if the pulsar input energy overwhelms the initial ejecta
energy Ep ⇧ Eej, the ejecta is swept up into the shell at a
final shell velocity vf = (2Ep/Mej)

1/2 (Chevalier 2005). Tak-
ing into account these two extreme cases, one can estimate
the characteristic ejecta velocity as

vej = vSN(1 + Ep/ESN)1/2 . (8)

For Ep ⌅ Eej, the evolution of the pulsar wind nebula
takes place in the central part of the SN ejecta, where the
density profile is nearly flat, with ⇤ ⌃ t�3(r/t)�m. We will
assume here that m = 0. For times t ⇥ tp where Lp ⇤
Ep/tp, the radius of the pulsar wind nebula can then be
expressed (Chevalier 1977)

RPWN ⇤
„

125
99

v3
ejEp

Mejtp

«1/5

t6/5, for t ⇥ tp, Ep ⌅ Eej (9)

Beyond the characteristic velocity vSN, the density pro-
file of the ejecta steepens considerably, reaching spectral in-
dices b � 5 (e.g., Matzner & McKee 1999). For Ep ⇧ Eej,
the pulsar wind nebula expands past this inflection point and
its size depends on whether the swept-up shell breaks up by
Rayleigh-Taylor instabilities. Chevalier (2005) discusses that
if the shell does not break up, the expansion is determined
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total energy

pulsar luminosity

tp ~ a few years 
for ms pulsars

instrument.

• What if magnetars and long-duration GRBs are the same objects? (in terms of
distinguishing between transient objects)
Section 14.8 [5] of Woods & Thompson (2004): whether a proto-magnetar is also
a viable source of gamma-ray burst emission (as suggested independently by Usov
1992 and Duncan & Thompson 1992) is problematic: the net mass released during
neutrino cooling is a few orders of magnitude larger than what will quench gamma-ray
emission from the expanding relativistic wind.
As a matter of fact, the question we are trying to answer is more about the accel-
eration mechanism: are UHECRs accelerated in shocks or by unipolar induction? If
GRBs and magnetars are the same objects, the observation of gravitational waves
would still give us a proof that the acceleration mechanism happens through unipolar
induction and not shock acceleration in the GRB explosion. The unipolar induction
model requires indeed the magnetar to have a certain level of pulsation and magnetic
fields that should lead to the emission of gravitational waves (through electromagnetic
torques or gravitational radiation if the ellipticity is high enough). The detection of
gravitational waves at the level that we predict here would be an evidence that high
enough values for B and ⇥ are reached and that thus the unipolar induction acceler-
ation should take place. As explained briefly before, the GRB in itself (the explosion,
not its progenitor) only leads to a weak signal.

• Understand surf-riding acceleration mechanism (Arons 2003)

• Note on the neutrino production by magnetars: Murase et al. (2009) calculate
that magnetar signatures in neutrinos should be observed by IceCube, taking a
reasonable density of magnetars that would actually fit the UHECR spectrum (for
their lower estimate, their higher estimate overshooting the cosmic ray spectrum):
⇥ 2 � 10�6 Mpc�3 per year. Such a flux could be detected by IceCube. It is worth
mentioning howbeit that this signal depends on the opacity inside the source (though
the column density of the envelope the particle goes through is constrained by the
fact that UHECRs need to escape, see Blasi et al. 2000). So neutrinos, if detected,
could be a way to distinguish GRBs and magnetars too. ... But there are also lots of
scenarios that predict a high flux of neutrinos from GRBs depending on the Physics
inside the source.

• Other sources (e.g. NS-NS) could be distinguished?

⇤ = ⇥/⌅ (52)
�i = f(⇤i, B⇥) (53)

Ei = q⇥
⌅2�R3

⇥
2c2

⇤3
i (54)

B ⇤ 1
r

(55)

P = 1msLp ~ 1045 erg/s 
for ms pulsars

P = 10ms

P = 100ms

Acceleration of UHECRs in newly-born pulsars

PWNe et SNRs

Yves Gallant

OHP, 11/9/2009
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Addendum: Superbulles

Conséquence : Champs électriques forts

induced electric field:

implies the presence of a charge density:

Goldreich & Julian (1969)

everywhere where the plasma is 
in corotation

Goldreich-Julian charge density
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Figure 4. Cosmic ray flux measurements by KASCADE-Grande [64], Auger [15] and TA [65] com-
pared with pulsar model predictions. The total spectrum in solid black sums up extragalactic (dash)
and Galactic (solid) components. The top, middle, and bottom panels correspond to the Auger-
uniform, Auger, and TA cases respectively, as in Fig 1. Pulsar and propagation parameters: wind
acceleration coefficient η = 0.3, Galactic magnetic field coherence length lc = 20 pc, magnetic halo
height H = 2 kpc.

– 20 –

Galactic SNR 

extragalactic
pulsars

Galactic
pulsars

 fits composition at UHE  
 fits spectrum at UHE 
 bridges gap between SNR - extragalactic 

sources

 energetics  
(Erot > 1052 erg for the fastest) 

 number density  
(npulsars ~ 10-4 Mpc-3 yr-1) 

 natural spot to produce heavy nuclei

a model with good initial conditions

a model that works!

a testable model!
 unavoidable neutrino flux observable with IceCube in the next decade

Blasi et al. 00, Arons 03, Fang et al. 2012, 
2013, 2015, 2016, KK et al. 2015  UHECR and pulsars
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Exciting times!

First 1020 eV 
cosmic ray 
detected

1962 2017

GW astronomy 
begin! 
kilonova associated with 
GW170817

2015

First 
gravitational 
waves detected

2013

First 1015 eV 
neutrinos 
detected

GW

CR

ν

γ

Extragalactic 
origin confirmed 
Auger evidences large 
scale anisotropy > 8 EeV

PeV neutrino 
astronomy begins! 
IC170922 in coincidence 
with TXS 0506+056

new TDEs, magnetar flares, blazar flares, FRBs,  
gamma-ray bursts, superluminous SNe…

And we still don't know the origin of UHECRs
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Current multi-messenger data: useful to understand UHECRs?

Backgrounds 
- radiative? baryonic? 
- evolution, density? 
- magnetic field: deflections? 

associated neutrino and 
gamma-ray production

νγ
νγ

p Fe

Cosmic backgrounds 
interactions on CMB, UV/opt/
IR photons 

cosmogenic neutrino and 
gamma-ray production

Eν ~ 5% ECR/A Eγ ~ 10% ECR/A

ECR > 1018 eV

Eν > 1016 eV

Secondaries take up 5-10% of parent cosmic-ray energy

IceCube neutrinos do not directly probe UHECRs
Actually, none of the current multi-messenger data 

(except UHECR data) can directly probe UHECRs 
… but they help :-)
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GR DN

The guaranteed cosmogenic neutrinos

Alves Batista, de Almeida, Lago, KK, 2018
GRAND Science & Design, 2018

KK, Allard, Olinto 2010
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ν
τ >30 km

few 
kms

radio detection: a mature and autonomous technique 
AERA, LOFAR, CODALEMA/EXTASIS, Tunka-Rex, TREND

radio antennas cheap and robust: ideal for giant arrays

geomagnetic effect: 
radio signal 

few 100 MHz

1017.5 eV shower 
50-200 MHz radio emission  
side view

E > 50 𝜇V/m

The GRAND Concept

Inclined showers with mountain targets

200,000 radio antennas over 200,000 km2  
~20 hotspots of 10k antennas  

in favorable locations in China & around the world

PLASMA 
Physics!!

https://arxiv.org/abs/1810.09994
http://grand.cnrs.fr/

https://arxiv.org/abs/1810.09994
http://grand.cnrs.fr/


 33

Learn plasma Physics and help us hunt for the origin of UHECRs!


